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Main accretion phase. Material is accreted onto the
protostellar embryo from the collapsing envelope.

Formation of a circumstellar disk

Ejection of mater via bipolar outflows

Size ~ 10 000 au
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Fig. A.9. CB 130 (Class 0 protostar): visual (red) DSS2 image and Herschel FIR maps (color; log scale) at 100, 160, 250, 350, and 500 µm, with
1.2 mm continuum contours overlaid (20, 60, and 100 mJy/20′′ beam). Herschel beam sizes are indicated as gray circles in the lower right corners.

Fig. A.10. B 335 (Class 0 protostar): visual (red) DSS2 image and Herschel FIR maps (color; log scale) at 100, 160, 250, 350, and 500 µm, with
850 µm continuum contours overlaid (100, 300, and 900 mJy/20′′ beam). Herschel beam sizes are indicated as gray circles in the lower right
corners.
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Herschel + SCUBA

Launhardt + 2013
Yildiz + 2015

A&A 576, A109 (2015)
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Fig. 3. Overview of the entire set of outflows traced by the 12CO 3�2 observations with the JCMT and APEX. Contour levels are given in Table A.1
and the source is located at (0, 0) in each map, with the exception of the maps of NGC 1333-IRAS 4A and NGC 1333-IRAS 4B, and Ser-SMM3
and Ser-SMM4, which are located in the same maps and centered on NGC 1333-IRAS 4A and Ser-SMM3, respectively. The circle in each plot
corresponds to a region of 5000 AU radius at the distance of each source. Velocity ranges over which the integration was done are provided in
Table A.1.

The upper level column density per statistical weight in a
single pixel (4.005 ⇥ 4.005 for CO 6�5, 7.005 ⇥ 7.005 for CO 3�2) is
calculated as

Nu

gu
=
�⌫2
R

TmbdV

Aul gu
· (1)

The constant � is 8⇡k/hc
3=1937 cm�2 (GHz2 K km)�1. The re-

maining parameters are for the specific transition, where ⌫ is the
frequency, Aul is the Einstein A coe�cient and gu = 2J + 1.

The total CO column density in a pixel, Ntotal, is

Ntotal =
Nu

gu
Q(T )eEu/kTex ; (2)

Q(T ) is the partition function corresponding to a specific exci-
tation temperature, Tex, which is assumed to be 75 K for both
CO 3�2 and CO 6�5 observations (van Kempen et al. 2009b;
Yıldız et al. 2012, 2013). Changing Tex by ±30 K changes the
inferred column densities by only 10–20%.

The mass is calculated as

Moutflow = µH2 mH A

"
H2

12CO

#X

j

Ntotal, j (3)

where the factor µH2 = 2.8 includes the contribution of helium
(Kau↵mann et al. 2008) and mH is the mass of the hydrogen

Fig. 4. Histogram of total RCO (blue- and red-shifted outflows com-
bined) is shown for Class 0 (red) and Class I (blue) sources. (RCO is
not corrected for inclination.)

atom. A is the surface area of one pixel j. The sum is over all
outflow pixels.

The mass may be underestimated if the 12CO line emission
is optically thick. 13CO data exist toward most outflows (see
above) but the S/N of these data is typically too low to prop-
erly measure the opacity in the line wings, except for at the
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Fig. 3. Overview of the entire set of outflows traced by the 12CO 3�2 observations with the JCMT and APEX. Contour levels are given in Table A.1
and the source is located at (0, 0) in each map, with the exception of the maps of NGC 1333-IRAS 4A and NGC 1333-IRAS 4B, and Ser-SMM3
and Ser-SMM4, which are located in the same maps and centered on NGC 1333-IRAS 4A and Ser-SMM3, respectively. The circle in each plot
corresponds to a region of 5000 AU radius at the distance of each source. Velocity ranges over which the integration was done are provided in
Table A.1.

The upper level column density per statistical weight in a
single pixel (4.005 ⇥ 4.005 for CO 6�5, 7.005 ⇥ 7.005 for CO 3�2) is
calculated as

Nu

gu
=
�⌫2
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TmbdV

Aul gu
· (1)

The constant � is 8⇡k/hc
3=1937 cm�2 (GHz2 K km)�1. The re-

maining parameters are for the specific transition, where ⌫ is the
frequency, Aul is the Einstein A coe�cient and gu = 2J + 1.

The total CO column density in a pixel, Ntotal, is

Ntotal =
Nu

gu
Q(T )eEu/kTex ; (2)

Q(T ) is the partition function corresponding to a specific exci-
tation temperature, Tex, which is assumed to be 75 K for both
CO 3�2 and CO 6�5 observations (van Kempen et al. 2009b;
Yıldız et al. 2012, 2013). Changing Tex by ±30 K changes the
inferred column densities by only 10–20%.

The mass is calculated as

Moutflow = µH2 mH A
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12CO
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Ntotal, j (3)

where the factor µH2 = 2.8 includes the contribution of helium
(Kau↵mann et al. 2008) and mH is the mass of the hydrogen

Fig. 4. Histogram of total RCO (blue- and red-shifted outflows com-
bined) is shown for Class 0 (red) and Class I (blue) sources. (RCO is
not corrected for inclination.)

atom. A is the surface area of one pixel j. The sum is over all
outflow pixels.

The mass may be underestimated if the 12CO line emission
is optically thick. 13CO data exist toward most outflows (see
above) but the S/N of these data is typically too low to prop-
erly measure the opacity in the line wings, except for at the
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Evolution of Class 0 : 
how do the infall and 
accretion proceed?

How do we reconcile the 
infall of the envelope with 
the accretion onto the 
protostellar embryo ?

Ø Episodic accretion 
events
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What are the characteristics 
of  the dust populating YSOs?

What is the dust size distribution 
in the envelope?

How efficient  is the dust growth 
in the Class 0 stage as a function 
of scales and region of YSOs?

Cosmic dust grains

Observations of their 
thermal emission in star 
forming regions to find 
protostars

1/100 of the gas density

Pebbles and Planetesimals
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How all those problems are linked to magnetic fields and dust 
polarization ?



Wurster & Li Magnetic fields in protostellar discs

Figure 1. An example of the magnetic field traced by dust polarization around an observation (left-hand
panel) and a numerical model (right-hand panel) of the solar-type Class 0 protostar B335. The background
image in the right-hand panel is the ALMA polarized dust continuum emission, and the superimposed lines
infer the magnetic field orientations (i.e. the polarization angle rotated by 90�). This figure is inspired by
figs. 1 and 3 of Maury et al. (2018), and was created by A. J. Maury for this publication.

the prevalence of the magnetic field on the smaller scales of individual cores of molecular clouds and
protostellar envelopes, as reviewed by Pattle et al., Crutcher & Kemball, and Hull & Zhang, in this volume.

As an illustration, we show in Fig. 1 the dust polarization detected with the Atacama Large
Millimeter/submillimeter Array (ALMA) around the Class 0 protostar B335 (Maury et al., 2018). The
polarization orientations are rotated by 90� to trace the magnetic field directions in the plane of the sky.
It is immediately clear that not only a magnetic field is present on large scale, but also it shows coherent
structures. In particular, the (projected) field appears to be significantly pinched near the equator of the
system, as defined by the bipolar molecular outflows. The pinch is direct evidence that the magnetic field is
interacting with the envelope material, through a magnetic tension force. Whether such a magnetic force is
strong enough to affect the dynamics of the core collapse and especially disc formation is the question that
we seek to address in this article.

There is some indirect evidence that magnetic fields may play a role in disk (and binary) formation.
For example, Maury et al. (2010) concluded that core collapse models with a relatively strong magnetic
field are more consistent with their IRAM-PdBI observations of Class 0 protostellar systems than their
hydrodynamic (non-magnetic) counterparts. In the particular case of B335, the specific angular momentum
is observed to decrease rapidly towards the central protostar, with a rotationally supported disk (if present)
smaller than ⇠ 10 au (Yen et al., 2015). The decrease in specific angular momentum and small disk could
result naturally from the braking by a magnetic field, which has now been mapped in detail with ALMA
(Maury et al., 2018). In addition, there is some tentative evidence that protostellar sources with misaligned
magnetic field and rotation axis (inferred from outflow direction) tend to have larger disks (e.g. Segura-Cox
et al., 2016), which is consistent with magnetized disk formation simulations (e.g. Hennebelle and Ciardi,
2009; Joos et al., 2012; Krumholz et al., 2013; Li et al., 2013b).

Finding evidence for the magnetic field on the disc scale is more challenging. Spatially resolved dust
polarization has been detected in discs around a number of young stellar objects, using the Submillimeter

This is a provisional file, not the final typeset article 4

What ALMA reveals at below 500 au scale.
B335: a possible magnetically regulated collapse?

How efficient is this regulation?
Is magnetic braking influencing for the formation of young disks 
(their size and mass)? 
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Wurster & Li Magnetic fields in protostellar discs

Figure 1. An example of the magnetic field traced by dust polarization around an observation (left-hand
panel) and a numerical model (right-hand panel) of the solar-type Class 0 protostar B335. The background
image in the right-hand panel is the ALMA polarized dust continuum emission, and the superimposed lines
infer the magnetic field orientations (i.e. the polarization angle rotated by 90�). This figure is inspired by
figs. 1 and 3 of Maury et al. (2018), and was created by A. J. Maury for this publication.

the prevalence of the magnetic field on the smaller scales of individual cores of molecular clouds and
protostellar envelopes, as reviewed by Pattle et al., Crutcher & Kemball, and Hull & Zhang, in this volume.

As an illustration, we show in Fig. 1 the dust polarization detected with the Atacama Large
Millimeter/submillimeter Array (ALMA) around the Class 0 protostar B335 (Maury et al., 2018). The
polarization orientations are rotated by 90� to trace the magnetic field directions in the plane of the sky.
It is immediately clear that not only a magnetic field is present on large scale, but also it shows coherent
structures. In particular, the (projected) field appears to be significantly pinched near the equator of the
system, as defined by the bipolar molecular outflows. The pinch is direct evidence that the magnetic field is
interacting with the envelope material, through a magnetic tension force. Whether such a magnetic force is
strong enough to affect the dynamics of the core collapse and especially disc formation is the question that
we seek to address in this article.

There is some indirect evidence that magnetic fields may play a role in disk (and binary) formation.
For example, Maury et al. (2010) concluded that core collapse models with a relatively strong magnetic
field are more consistent with their IRAM-PdBI observations of Class 0 protostellar systems than their
hydrodynamic (non-magnetic) counterparts. In the particular case of B335, the specific angular momentum
is observed to decrease rapidly towards the central protostar, with a rotationally supported disk (if present)
smaller than ⇠ 10 au (Yen et al., 2015). The decrease in specific angular momentum and small disk could
result naturally from the braking by a magnetic field, which has now been mapped in detail with ALMA
(Maury et al., 2018). In addition, there is some tentative evidence that protostellar sources with misaligned
magnetic field and rotation axis (inferred from outflow direction) tend to have larger disks (e.g. Segura-Cox
et al., 2016), which is consistent with magnetized disk formation simulations (e.g. Hennebelle and Ciardi,
2009; Joos et al., 2012; Krumholz et al., 2013; Li et al., 2013b).

Finding evidence for the magnetic field on the disc scale is more challenging. Spatially resolved dust
polarization has been detected in discs around a number of young stellar objects, using the Submillimeter
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300 
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ALMA observations: Polarized intensity + magnetic fields Model: Column density + magnetic fields

Maury + 2018
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Protostellar 
envelope
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Observational constrains on the coupling between collapsing material and magnetic
fields:
• Ionization (charged particles, atomic and molecular ions)
• Dust characteristics



What grain alignment mechanisms?

Ø B-RATs : alignment of  grains with the magnetic field via Radiative Alignment Torques (RATs)

Linear polarization orthogonal to 
the apparent magnetic field lines

Anisotropic 
radiation field 
interacting with 
dust grains

Magnetic field lines

Submillimeter 
dust thermal 
emission

Larmor precession: dust grains 
precess around magnetic field lines
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Dust characteristics influencing RAT’s efficiency:

• Size

• Shape

• Composition



What grain alignment mechanisms?

Ø B-RATs : alignment of  grains with the magnetic field via Radiative Alignment Torques (RATs)
Ø k-RATs : alignment of  grains with the radiation field via Radiative Alignment Torques (RATs)

Linear polarization orthogonal to 
the anisotropic radiation field

Anisotropic 
radiation field 
interacting with 
dust grains

Magnetic field lines

Submillimeter 
dust thermal 
emission

Occur if  the grain precession around B is 
faster than the precession around k 
induced by RATs

Radiation precession of dust grains 
precess around radiation field 
direction
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MHD simulation :RAMSES
Radiative transfer:

Class 0 
protostars

Dust polarization observations
Molecular line observations

Theory of grain alignment mechanisms

Synthetic observations
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Analysis of  the 
observations with respect 
to grain alignment 
theories

Le Gouellec + 2019 

Comparing the dust grain alignment efficiency

Le Gouellec + 2020, Le Gouellec + 2022 in prep

Implementation of  RATs 
(success and limitations)

Le Gouellec + 2020, 
Le Gouellec + 2022 in prep

Is the collapse magnetically regulated ? Which grain’s characteristics reproduce 
the polarization? 
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Analysis of  the ALMA dust 
polarization observations of  
Class 0 protostellar cores

Spatial resolution of  30-200 au

Inside the inner envelope, we 
will study:
• The morphology of  the 

thermal emission
• The morphology of  

magnetic fields
• The spatial locations of  the 

polarized emission
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M. Galametz et al: Polarized dust emission in solar-type Class 0 protostars

Fig. 3. Projected angle between the mean magnetic field within the 1000 au central region and the outflow direction as a function of
the velocity gradient of the source estimated from line measurements. Sources are color-coded as a function of their fragmentation
below 5000 au scales (with red/light blue/dark blue for sources with a detection of a single/double/3-4 dust peaks). For certain
sources, two colors are used: For L483, the ALMA 1.2 mm map from Oya et al. (2017) revealed a continuum source detected at a
5-� level in the SW region that might suggest fragmentation. For HH211, Lee et al. (2009) detected a companion source with the
SMA in the southwestern extension of the source but VLA and ALMA observations have questioned the binary nature of the source
(Tobin et al. 2016; Lee et al. 2019). In both cases, the nature of the extra source needs to be better investigated to be confirmed or
infirmed as a companion. Finally, CB230-A’s companion seems to host two NIR objects, thus could be part of a triple system (Massi
et al. 2008). For this source, we also indicate both the velocity gradient derived by Tobin et al. (2011) from a 1D fit perpendicular
to the outflow direction (empty symbol) and a 2D fit of the total velocity field (field symbol), since the two measurements lead to
di↵erent values of the velocity gradient.

range. This range is consistent with that derived for a sample
of 17 nearby protostellar systems by Tobin et al. (2011) (their
Fig. 26 right). We note that velocity gradients aligned in the
equatorial plane are commonly interpreted as envelope rotation.
Recent analysis have revealed a more complex interpretation,
with sources showing shifts or even reversal of the gas velocity
gradients within envelopes. In some sources, the observed gra-
dients might actually originate from on-going infall, or linked
with turbulence (Gaudel et al. 2020). In all cases however, large
velocity gradients are tracing more dynamical envelopes with
larger kinetic energy.

4. Discussion

4.1. Misaligned B fields associated to small angular

momentum of the protostellar gas

In Galametz et al. (2018), we qualitatively noticed a larger oc-
currence of misalignment of B-field lines in sources where large
velocity gradients were detected in the equatorial plane at thou-
sands of au scales. The measurements of the envelope kinemat-
ics combined with B position angles measurements allow us to

quantify the relationship. In Fig. 3, we show the projected angle
between the B-field orientation and the outflow axis as a function
of the velocity gradient (in km s�1 pc�1) that is used as a proxy to
probe the gas dynamics in the surrounding envelope. Errors on
the misalignment angles (x-axis) are the addition of the B-field
orientation error quoted in Table 4 and that of the outflow posi-
tion angle error. The colors used in the plot will be discussed in
§ 4.2.

We observe a reasonably good (R=0.68) positive correlation
between the misalignment of B with respect to the outflow and
the strength of the velocity gradient traced at envelope scales.
This quantitatively demonstrates that a relation exists between
the orientation of the magnetic field and the kinematic energy
in envelopes. This is consistent with the result presented in Yen
et al. (2015a) and based on a sample of 17 Class0/I protostars
where no source with large specific angular momenta were
found with a strongly aligned configuration. The correlation
observed in Fig. 3 could have various interpretations. One
interpretation could be that the misalignments of B at envelope
scales are driven by the strong rotational or infall motions of the
envelope while another interpretation could be that an aligned
B field could have favored the smaller velocity gradients we
observe.

9

Misalignment between magnetic field and 
outflow axis

Galametz + 2020, using SMA

V
e

lo
c

it
y

g
ra

d
ie

n
ts

 in
 t

h
e

 
e

n
ve

lo
p

e
0 15 30 45 60 75 90

¡

0

2

4

6

8

N
u
m

b
er

of
p
oi

nt
s

Dust Emission

Serpens Emb 8(N)

0 15 30 45 60 75 90
¡

0

2

4

6

8

N
u
m

b
er

of
p
oi

nt
s

Blueshifted outflow lobe

Serpens Emb 8(N)

0 15 30 45 60 75 90
¡

0

1

2

3

N
u
m

b
er

of
p
oi

nt
s

Redshifted outflow lobe

Serpens Emb 8(N)

0 15 30 45 60 75 90
¡

0

5

10

15

N
um

be
ro

fp
oi

nt
s

Dust Emission SMM1-a

Serpens SMM1

0 15 30 45 60 75 90
¡

0

6

12

18

24

N
um

be
ro

fp
oi

nt
s

Dust Emission filaments

Serpens SMM1

0 15 30 45 60 75 90
¡

0

1

2

N
um

be
ro

fp
oi

nt
s

Blueshifted outflow lobe

Serpens SMM1

0 15 30 45 60 75 90
¡

0

1

2

3

N
um

be
ro

fp
oi

nt
s

Redshifted outflow lobe without SMM1-a

Serpens SMM1

morphological density structures and the magnetic field are
related. The method produces a histogram of relative orienta-
tions between the magnetic field and density gradient, and is
based on computer vision techniques.

The HRO is computed as follows. The relative alignment of
the magnetic field B and the local gradient of the density n
(or intensity I in the observations) is characterized using the
angle B Bn narctanf = ´ � �(∣ ∣) ( · ) between them. The
histogram of f for angles measured in two dimensions in
the observations (or cosf for angles measured in three
dimensions in the simulations) is known as the HRO. A flat
histogram corresponds to random relative orientations. The
histogram is constructed simply by calculating this angle for
each pixel/voxel in the data/simulation and weighting the
contribution from each element by a 1 or 0 depending on
whether the magnitude of the density gradient is above the
median value. The Planck team applied the method to high-,
medium-, and low-density emission in the 15′ resolution
Planck data and to mock simulations, where they found that, at
the parsec scale of star-forming clouds, (1) at low densities the
magnetic field is preferentially oriented parallel to density
structures; (2) above a critical density the orientation changes
from parallel to perpendicular; and (3) this change of relative
orientation is the most significant if the magnetic field is strong.

Here, we use this technique to shed light on the role of the
magnetic field at the ∼100 au scale of an individual star-
forming core, calculating the HRO for both the ALMA
observations and the AREPO simulations. For the observa-
tions, we assume the magnetic field has an orientation that is
perpendicular to the measured polarization, and we take the
gradient in the unpolarized dust emission (Stokes I), which
traces column density structure. For the simulations, we
calculate synthetic polarization in a 3000 au region centered
on each core assuming the optically thin limit. We compute
projected densities and polarization orientations on a uniform
grid of cell length 12 au, for various lines of sight. The
simulations themselves have an effective spatial resolution of
∼50 au on this spatial scale, which is comparable to the spatial
resolution of the ALMA observations, and therefore no further
convolution is applied in the mock observations (down-
sampling the mock projected column densities has no
significant effect on the computed HRO). The local polariza-
tion of a gas cell is Q icos 2 sin2r y= ( ) , U isin 2 sin2r y= ( ) ,
where ρ is the gas density, ψ is the local orientation of the
magnetic field projected onto the plane of sky, and i is the
inclination angle of the local magnetic field relative to the line
of sight. Q, U, and the column density are all integrated along
the same line of sight. The HRO for each simulation is
computed by averaging the results from multiple lines of sight
and is found to be largely independent of orientation: the
shaded error regions in Figure 3 reflect the variation in the
HROs calculated along different lines of sight.

We explored computing the HRO for the ALMA data and
simulated ALMA-like data as a function of different density cuts,
as the Planck team has done. However, we find that on ALMA
scales, where the density of all of the gas is well above the critical
density critr of collapse, neither the ALMA data nor the ALMA-
like simulated cores with weak mean fields exhibit meaningful
differences when the data are divided in a similar way. This is not
unexpected, as we probe vastly smaller (∼100 au) scales than 11
pc scales of the Planck observations of nearby star-forming
clouds. On the other hand, the strong-field simulation does

exhibit a higher degree of alignment between the density gradient
and magnetic field as density increases.
In Figure 3, we show the HRO for the ALMA observations

and for all four simulations. The HRO of the strongly
magnetized simulation peaks at 0f = n, implying that the
magnetic field is more systematically perpendicular than
parallel to the filamentary structure traced by the dust. This is
in agreement with observations of filamentary star-forming
structures that are thought to have a dynamically important
magnetic field (Pereyra & Magalhães 2004; Alves et al. 2008;
Goldsmith et al. 2008; Franco et al. 2010; Palmeirim
et al. 2013; Planck Collaboration et al. 2016) and with the
observation that magnetic field orientation can be preserved
across many orders of magnitude in spatial scale (Li et al. 2009;
Hull et al. 2014). However, we find that the HRO of the ALMA
observations of Ser-emb8 is flat, indicating a random field
similar to the weakly magnetized simulations.
The joint HRO analysis of our ALMA observations and

AREPO simulations—and the differences in magnetic field
morphology from >80,000 au cloud scales (Matthews
et al. 2009; Sugitani et al. 2010) to the ∼1000–100 au scales
measured by CARMA and ALMA—lead us to conclude that
Ser-emb8 formed in a medium where turbulence at the cloud
scale is super- or trans-Alfvénic and shapes the magnetic field
at the smallest scales, causing the morphology of the field
immediately surrounding the protostar to be disconnected from
the history of the field on larger scales.

5. Discussion

5.1. Consistency of the ALMA Data with the Weakly
Magnetized AREPO Simulations

In the sub-Alfvénic simulation (strongly magnetized; A% =
0.35), the magnetic field lines form an hourglass shape at small
scales (see Figure 2, bottom right panel), which has been
predicted by models (Fiedler & Mouschovias 1993; Allen
et al. 2003; Machida et al. 2005, 2006) and seen in obser-
vations of both low- and high-mass forming stars (Girart
et al. 2006, 2009; Rao et al. 2009; Tang et al. 2009; Qiu et al.
2013; Stephens et al. 2013; Qiu et al. 2014; Li et al. 2015a).

Figure 3. Histogram of relative orientation (HRO): shown are the calculated HRO
relations between the magnetic field orientation and the density gradients in the Ser-
emb8 ALMA data, as well as in the simulated data within a region of 3000 au.
Ser-emb8 shows randomly distributed orientations, consistent with the weak-field
simulations with 1A,mean field% >‐ . The shaded error regions reflect the variation
in the multiple lines of sight used to calculate the HRO of each simulation.
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rms noise level in a channel of the CO image cube (the moment
0 maps we analyze are the same as those plotted in Figure 4).
We then selected the zones with significant gradient values. In
the outflow moment 0 maps this served to highlight the edges
of the outflow cavities, whereas in the dust continuum maps the
gradient picked out both the central cores of the protostars as
well as (in the case of IRS2) regions of enhanced dust emission
along the outflow cavity walls. Finally, for the locations where
there is both a gradient value as well as a magnetic field
orientation (i.e., where P>3 σP), we derived f, defined as the
difference in angles between the magnetic field and the
emission gradient, and added the points to the distributions.
For further details of this HRO analysis, see Le Gouellec et al.
(2019).

Toward IRS2, it is clear from Figure 5 that the magnetic field
follows the northern edge of the outflow cavity. The HRO
comparing the magnetic field and the redshifted CO emission
does not exhibit this, as it is limited by statistics because of
the physical offset between the redshifted outflow lobe and
the polarized emission. However, we can clearly see that in the
blueshifted lobe of IRS2, f peaks near 90°, indicating that the
magnetic field orientation tends to be perpendicular to the CO
emission gradient (i.e., nearly parallel to the edges of the
outflow). For IRS1, however, the HRO for both the blue- and
redshifted lobes look similar to the blueshifted lobe of IRS2,
simply because the hourglass symmetry axis and the outflow

axis are aligned. The curvature of the hourglass-shaped
magnetic field in IRS1 does yield a broader HRO compared
with the HRO toward the blueshifted outflow lobe of IRS2;
however, this is not a strong distinguishing factor. The fact that
the hourglass magnetic field in IRS1 and the magnetic field
along the edges of the outflow in IRS2 yield such similar
distributions in the magnetic-field-versus-CO HROs highlights
the difficulty of distinguishing between the “natal hourglass”
versus “outflow-affected magnetic field” scenarios.
We can make a clearer distinction between the two sources

by looking at the HRO of the magnetic field versus the dust
emission (Figure 7, left panels). The HRO from IRS2
demonstrates that the magnetic field is perpendicular to the
dust-emission gradient (i.e., the magnetic field is parallel to the
outflow-cavity walls), indicating that the magnetic field has
been affected by the outflow. In contrast, the HRO from IRS1
shows that the field is more parallel to the dust-intensity
gradient, indicative of a magnetically regulated but gravity-
dominated scenario in a centrally condensed protostellar core
(see, e.g., Koch et al. 2012, 2018). These differences in the
magnetic-field-versus-dust HROs can help us distinguish
whether the dust morphology in a source has been more
affected by gravity or by the outflow; however, it is still
essential to find a robust way to use outflow tracers to
determine quantitatively whether magnetic fields have been
affected by outflows.

Figure 7. Histograms of relative orientation (HROs) of f, defined as the difference between the magnetic field orientation and the Stokes I dust-intensity gradient (left
panel); and the difference between the magnetic field orientation and the gradients in the blueshifted (center panel) and redshifted (right panel) outflow emission
toward both IRS1 and IRS2. We calculate the gradient in the zone of significant signal-to-noise: in the Stokes I continuum maps where the signal I>3σI, and in
moment 0 maps produced with a threshold at 10× the rms noise level in a channel of the CO image cube (the moment 0 maps we analyze are the same as those plotted
in Figure 4). We then select high gradient values (see Le Gouellec et al. 2019 for details). The angles between the magnetic field and the gradients are calculated ∼4×
per synthesized beam (Nyquist, or twice, in both R.A. and decl.), where the beamwidth is ∼0 5 for the dust maps and ∼0 7 for the CO maps.
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rms noise level in a channel of the CO image cube (the moment
0 maps we analyze are the same as those plotted in Figure 4).
We then selected the zones with significant gradient values. In
the outflow moment 0 maps this served to highlight the edges
of the outflow cavities, whereas in the dust continuum maps the
gradient picked out both the central cores of the protostars as
well as (in the case of IRS2) regions of enhanced dust emission
along the outflow cavity walls. Finally, for the locations where
there is both a gradient value as well as a magnetic field
orientation (i.e., where P>3 σP), we derived f, defined as the
difference in angles between the magnetic field and the
emission gradient, and added the points to the distributions.
For further details of this HRO analysis, see Le Gouellec et al.
(2019).

Toward IRS2, it is clear from Figure 5 that the magnetic field
follows the northern edge of the outflow cavity. The HRO
comparing the magnetic field and the redshifted CO emission
does not exhibit this, as it is limited by statistics because of
the physical offset between the redshifted outflow lobe and
the polarized emission. However, we can clearly see that in the
blueshifted lobe of IRS2, f peaks near 90°, indicating that the
magnetic field orientation tends to be perpendicular to the CO
emission gradient (i.e., nearly parallel to the edges of the
outflow). For IRS1, however, the HRO for both the blue- and
redshifted lobes look similar to the blueshifted lobe of IRS2,
simply because the hourglass symmetry axis and the outflow

axis are aligned. The curvature of the hourglass-shaped
magnetic field in IRS1 does yield a broader HRO compared
with the HRO toward the blueshifted outflow lobe of IRS2;
however, this is not a strong distinguishing factor. The fact that
the hourglass magnetic field in IRS1 and the magnetic field
along the edges of the outflow in IRS2 yield such similar
distributions in the magnetic-field-versus-CO HROs highlights
the difficulty of distinguishing between the “natal hourglass”
versus “outflow-affected magnetic field” scenarios.
We can make a clearer distinction between the two sources

by looking at the HRO of the magnetic field versus the dust
emission (Figure 7, left panels). The HRO from IRS2
demonstrates that the magnetic field is perpendicular to the
dust-emission gradient (i.e., the magnetic field is parallel to the
outflow-cavity walls), indicating that the magnetic field has
been affected by the outflow. In contrast, the HRO from IRS1
shows that the field is more parallel to the dust-intensity
gradient, indicative of a magnetically regulated but gravity-
dominated scenario in a centrally condensed protostellar core
(see, e.g., Koch et al. 2012, 2018). These differences in the
magnetic-field-versus-dust HROs can help us distinguish
whether the dust morphology in a source has been more
affected by gravity or by the outflow; however, it is still
essential to find a robust way to use outflow tracers to
determine quantitatively whether magnetic fields have been
affected by outflows.

Figure 7. Histograms of relative orientation (HROs) of f, defined as the difference between the magnetic field orientation and the Stokes I dust-intensity gradient (left
panel); and the difference between the magnetic field orientation and the gradients in the blueshifted (center panel) and redshifted (right panel) outflow emission
toward both IRS1 and IRS2. We calculate the gradient in the zone of significant signal-to-noise: in the Stokes I continuum maps where the signal I>3σI, and in
moment 0 maps produced with a threshold at 10× the rms noise level in a channel of the CO image cube (the moment 0 maps we analyze are the same as those plotted
in Figure 4). We then select high gradient values (see Le Gouellec et al. 2019 for details). The angles between the magnetic field and the gradients are calculated ∼4×
per synthesized beam (Nyquist, or twice, in both R.A. and decl.), where the beamwidth is ∼0 5 for the dust maps and ∼0 7 for the CO maps.
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The dependence on the B-field geometry is removed in the product S x Pfrac which becomes a proxy for the 
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because their size is on the same order as the mean wavelength
of strong RATs (see Equation (3)). In this paper, we are
interested in the alignment and disruption of grains that are not
very large ( m1a 1 m), so thermal dust emission is not
important, due to their negligible RATs.

Figure 2 shows the spectral energy density at different visual
extinction, AV, inside an MC taken from MMP83, denoted
by lu ,MMP83 (gray lines), as well as its interpolation for the
wavelengths of l m< 20 m relevant for alignment of small
grains of m1a 1 m (blue lines). We also show the results
obtained from the reddening law (Equation (32)) with

( ) ( )= = =l lu A u A0 0V V,MMP83 with RV=4 (red lines). The
results obtained from the reddening law are in good agreement
with the numerical results, although the agreement is poorer for

–l m~ 10 20 m because the reddening law does not include the
mid-IR emission as in MMP83.5 Moreover, we can see that
UV–optical radiation rapidly decreases, but NIR radiation
decreases slowly with AV. The reason is that the optical depth at
NIR is much smaller than the visual extinction. For the optical–
IR photons of l m~ 10 m, the extinction can be described by a
power law of ( )l m~l

-A A 0.55 mV
b with a slope b∼2. For

AV=10, one has = =mA A0.4 4V1 m and = =mA A0.14 V2 m
1.4. As a result, IR photons of l m2 1 m are weakly
absorbed and can still be sufficient to align large grains at large
visual extinction, as we show in the following section.

Figure 3 compares the average RAT efficiency inside an MC
obtained with our analytical formula (Equation (18)) versus
numerical calculations using the attenuated radiation spectrum
from MMP83 and the reddening law (Equation (32)). The
analytical formula that is derived for the ISRF agrees well with
the numerical results for attenuated radiation fields. Therefore,
one can use it for studying grain alignment by RATs in
dense MCs.

When the spectral energy density is known, we calculate the
radiation strength, U, and the mean wavelength, l̄, for different
AV. The upper and lower panels of Figure 4 show the decrease
of U and the increase of l̄ with increasing AV, obtained using
the reddened spectrum (solid line) and the spectrum from
Mathis et al. (1983) (filled circles).
To describe the decrease of U with AV due to dust

absorption, we introduce the analytical function,

( )=
+

U
U
c A1

, 34
V
c

0

1
2

where U0 is the radiation strength at the cloud surface, and
c c,1 2 are the fitting parameters. For a giant MC at galacto-
centric distance DG=5 kpc studied in MMP83, U0∼3 (see
Figure 4), and U0=1 for the ISRF in the solar neighborhood.
Assuming that the dust opacity at long wavelengths is

k lµ b-
d , the equilibrium temperature of grains at AV is

( )= b+T T Ud d,0
1 4 , where Td,0 is the grain temperature at U=1.

Throughout this paper, we assume β=2 and =T 16.4 Kd,0 for
silicates in the ISM in the solar neighborhood (see Draine 2011).
Chi-squared fitting of Equation (34) to the numerical values

obtained from the reddening law yields best-fit parameters of
(c1, c2)=(0.42,1.22). Here, we use the Levenberg–Marquardt
algorithm from the lmfit package in Python and assume the
uncertainties of the data to be 10% of the numerical values. As
shown in the upper panel of Figure 4, the function provides a
good fit for AV<20 but it overestimates the numerical result
by 30% at AV=50 (see dotted line versus solid line).
To describe the increase of the mean wavelength with AV due

to reddening effect, we introduce an analytical function,

¯ ¯ ( ) ( )l l= + c A1 , 35V
c

0 3
4

where l̄ m= 1.3 m0 for the diffuse ISRF at AV=0, and c3 and c4
are the model parameters. Least chi-square fitting of the above
equation to the numerical results yields ( ) ( )=c c, 0.27, 0.763 4 .
As shown in the lower panel of Figure 4, the analytical expression
fits the numerical result very well (see dotted line versus solid line).
However, there exists some discrepancy at AV>20 between the
reddening-law and numerical results, arising from the fact that

Figure 2. Radiation spectra at different visual extinctions measured from
the cloud surface, AV, inside a dense MC at a galactocentric distance of
DG=5 kpc obtained from the reddening law (red lines) with RV=4
compared to the numerical results taken from MMP83 (gray lines) and its
interpolation for l m< 20 m (blue lines). The reddening law provides good
agreement with MMP83 for l m< 10 m, which mostly determines grain
alignment of submicron and micron-sized grains because longer-wavelength
photons induce negligible RATs.

Figure 3. RAT efficiency as a function of the grain size for radiation fields in
an MC. The analytical approximation (Equation (18)) fits the numerical
calculations well.

5 As already mentioned in MMP83, their radiative transfer is less accurate for
AV20.
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Where do these large grains come from ?
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Fig. 8. Results for our standard model with grain accelerated by turbulence only (Left) ambipolar di↵usion only (Center), and both mechanisms
(Right). From top to bottom : dust size distribution at increasing densities, total dust cross-section per H (with our results for the truncated-MRN
model overplotted), ionisation, conductivities and resistivities. See Fig. 7 for a description of the last three rows.
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Guillet + 2020

Grains coagulation along
collapse, after one free-
fall time, with turbulence 
and ambipolar drift

See also Liffman + 2020; Vinkovic & Čemeljić 2021;Hutchison & Clarke 2021

ad∼ 10 μm begins to be entrained by the outflow (panel (2-c)).
Panels (2-a), (2-b), and (2-d) indicate that the dust and gas
begin to decouple in the outflow, and dust spreads out of the
outflow. As a result, the dust-to-gas mass ratio begins to
decrease inside the outflow (panel (2-d)).

At t* = 7× 103 yr (panels (3-a)–(3-d)), the dust with a size
of ad∼ 100 μm is distributed over a large area of a few hundred
au across. The streamlines and arrows indicate that the dust
moves parallel to the x-axis inside the outflow, while the gas
moves parallel to the z-axis (panels (3-a), (3-b), and (3-d)). This
indicates that the dust decoupled from the gas is ejected from
the rotating outflow due to centrifugal force. Furthermore,
some dust streamlines do not diverge but take a closed path,
meaning that some of the large dust is refluxed from the
outflow to the envelope. The ejection further decreases the
amount of dust in the outflow. In addition, the ejected dust
gathers around the outflow, forming a U-shaped dust-enhanced
region, which is clearly visible in the dust–gas mass ratio map
(panel (3-d)).

At t* = 1.1× 104 yr (panels (4-a)–(4-d)), the dust with a size
of ad 1 mm is distributed over a large area of several hundred
au across (panel (4-c)). The streamlines and velocity field of the
dust clearly indicate that the dust moves from the outflow back
to the envelope (panels (4-a), (4-b), and (4-d)), while the
streamlines and velocity field of the gas show that the gas is
released to the interstellar medium (ISM). At this epoch, the
gas and dust density distributions in the outflow are markedly
different. This is caused by the dust–gas decoupling in the
outflow. The majority of the large dust in the outflow has been
refluxed to the envelope.

3.2. Ashfall: Reflux of Large Dust from Outflow to the Disk
Outer Edge

Figure 2 shows three-dimensional streamlines of the gas and
dust at t* = 1.1× 104 yr. The gas streamlines show that the gas
is rotating and outflowing from the surface of the disk and
blown away. By contrast, the dust streamlines indicate different
dusty dynamics from that of the gas. The dust also outflows
from the inner part of the disk. Then it immediately decouples
from the gas in the outflow. Since the outflow rotates as shown
in the streamline of the gas, the centrifugal force drives the dust
toward the radial direction. Gravity then pulls it back toward
the disk, and the grown dust accretes to the edge of the disk.

The overall process is schematically shown in Figure 3 and
is very similar to ashfall from volcanic eruptions, where the
dust–gas mixture is ejected from the crater and then the gas and
dust decouple in the atmosphere, causing the dust (or ash) to
fall selectively. Hence, we name this the “ashfall” phenomenon
in protostar evolution.

3.3. Amount of Refluxed Dust

The reflux of the large dust due to the ashfall phenomenon
increases the amount of dust in the accretion flow from the
envelope and thus the dust-to-gas mass ratio in the disk. Figure 4
shows the time evolution of the mean dust-to-gas mass ratio of the
disk Md,disk/Mg,disk and the mean dust size ∫ρaddV/∫ρdV in the
disk, where the integration is performed within the disk. Here we
define the disk as a region with the gas density ρg> 10−13 g cm−3.
We find that, in an early phase of t*< 5× 103 yr, where the mean
dust size is ad 102μm, the dust-to-gas mass ratio stays constant
at Mdust/Mgas= 10−2, maintaining the initial value. This fact
implies that the amount of refluxed dust is negligibly small,
presumably because the outflowing dust is well coupled with gas
and is not ejected from the outflow.
Once the dust has grown to a size of ad 102 μm at

t*∼ 4× 103 yr, the dust-to-gas mass ratio begins to increase as
a result of the increase of the amount of dust in the accretion
flow from the envelope due to the dust reflux. The dust-to-gas

Figure 2. The left and right panels show streamlines of gas (orange) and dust (red), respectively, at t* = 1.1 × 104 yr. Arrows indicate the velocity field of the gas (left
panel) and dust (right panel) on the x–z plane. The yellow isosurfaces show the protoplanetary disk. The color scale shows the dust-to-gas mass ratio and is identical in
the left and right panels.

Figure 3. Schematic drawing of overall dust evolution in the ashfall
phenomenon.
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Dust delivery to ionized winds 1575

Figure 4. Comparison of the maximum size of dust grains delivered in the wind (defined as the size at which the efficiency drops below 0.5) to analytical
estimates of the maximum size of grain delivered to the wind base (Stcrit) and carried away by the wind (Stmax). Left: effect of the ionization front location at
R = 10 au. Right: variation with radius for a model with the ionization front height computed using an EUV model with an ionizing flux of ! = 1042 s−1. In
each case, the Stokes number shown is the Stokes number in the disc as measured at the ionization front.

and also for a model where zIF is computed according to equation (23)
for ! = 1042 s−1. The EUV model follows Hutchison & Clarke
(2021), who assume that the density at the wind base is controlled
by recombination:

ρion = 0.2mH

(
3!

4πα2R3

)1/2

, (23)

where the velocity at the wind base is 0.5cs,wind as before. Here, mH is
the mass of a hydrogen atom, α2 = 2.6 × 10−13 cm3 s−1 is the Case
B recombination coefficient, and ! is the stellar EUV luminosity.

In Fig. 4, we see that the maximum size entrained is close to Stcrit

for α < Stcrit independent of the height of the ionization front or the
location in the disc. Furthermore, although the size increases above
Stcrit for α > Stcrit, it always remains smaller than Stmax.

5.2 Typical grain sizes entrained

Now that we have ascertained that the maximum size of dust grains
delivered to the wind is determined by Stcrit in the advective regime
while Stmax limits the size of grains removed in the diffusive regime,
we consider what these Stokes numbers mean in terms of grain
size. From the definition of these limits (i.e. zero acceleration of
a stationary grain just below and just above the ionization front,
respectively), we can write

scrit =
√

8
π

$̇

ρgrain%

HIF

zIF

(
1 + z2

IF

R2

)3/2

(24)

≈ 0.63
(

$̇

10−12 g cm−2 s−1

)(
R

10 au

)3/2

×
(

zIF

4HIF

)−1 (
M∗

1 M%

)−1/2 (
ρgrain

1 g cm−3

)−1

µm. (25)

This shows that maximum size of dust particle that can be entrained
is insensitive to the disc mass, which only enters through the
dependence of zIF on disc mass, which is weak. Note that this
equation is valid even if the disc is not vertically isothermal (as
assumed in this paper) as long as HIF is determined from cs,disc

measured at the ionization front. Similarly, the definition for smax

follows by replacing cs,disc with cs,wind (in the definition for HIF).
We show scrit for representative values of $̇ and R in Fig. 5,

over which we plot the mass-loss profiles from representative EUV

Figure 5. Maximum size of dust particles that can be delivered to a
photoevaporative wind for a given mass-loss rate per unit area and radius
(colour map and white contours). The black lines show the mass-loss
profiles for the EUV-driven wind model with ! = 1042 s−1 (Hollenbach
et al. 1994) and X-ray-driven wind with LX = 2 × 1030 erg s−1 (Picogna
et al. 2019), for which the integrated mass-loss rates are 7.4 × 10−10 and
2.7 × 10−8 M% yr−1, respectively. Note that scrit is given here for the case
ρgrain = 1 g cm−3 and an ionization front height of zIF = 4H and scales with
H/zIFρgrain (equation 25).

(Hollenbach et al. 1994)- and X-ray (Picogna et al. 2019)-driven
wind models assuming zIF = 4HIF. Typical grain sizes vary between
0.01 and 1 µm.

These values of scrit can be estimated analytically from the mass-
loss rates, i.e. in the case of an EUV-driven wind with density
profile given by (23) (as is appropriate to disc radii interior to
Rg = GM∗/c

2
s,wind ≈ 5 au)

scrit, EUV = 0.2
(

6!

GM∗α2π2

)1/2
mHvwind

ρgrain

HIF

zIF
(26)

≈ 0.022
(

!

1041s−1

)1/2 (
M∗

1 M%

)−1/2 (
zIF

4HIF

)−1

µm. (27)
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Do large grains can survive the radiation field or do they get rotationally disrupted?
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The accretion luminosity is the main actor responsible for
the dust polarization observed in YSOs’ envelope

Zone above which grains are 
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Larmor precession timescale
Radiative precession timescale
Minimum size of aligned grains by RATs
Size of disrupted grains for Smax = 105 erg cm-3

Size of disrupted grains for Smax = 109 erg cm-5

Disruption time scales

~ typical duration of 
an accretion burst
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Ø Dust polarization should increase during an accretion burst
Ø Grains can also get rotationally disrupted during an accretion burst
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Dense outflow 
cavity walls

Characteristics 
of dust grains?

Magnetized 
accretion 
streamers
How do they 
form?
Their role?

Envelope infall
Magnetically 
regulated?

Shocks and irradiation conditions?

What inner disk processes? 
Accretion state of the protostar?


