
SOMA V: Clustered Environments

● Presents 8 clustered regions, 
each one with multiple sources

● Adds ~30-40 sources to the 
SOMA survey, providing better 
constraints on environmental 
trends of massive star 
formation

● Presents automated aperture 
radius selection algorithm for 
crowded regions
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Open Questions
• Causation: external triggering or spontaneous gravitational instability?

• Initial conditions: how close to equilibrium?

• Accretion mechanism: [turbulent/magnetic/thermal-pressure]-regulated 

fragmentation to form cores vs competitive accretion / mergers

• Timescale: fast or slow (# of dynamical times)?

• End result


– Initial mass function (IMF)

– Binary fraction and properties

How do these properties vary with environment? 
Subgrid model of SF? Threshold nH*? Efficiency εf?

N*

m*

Salpeter (1955)

dN*/dm* = A m*-2.35

m*max?



Massive Star Formation Theories

If in equilibrium,

then self-gravity

is balanced by 

internal pressure:

B-field, turbulence,

radiation pressure


(thermal P is small)

Cores form from this

turbulent/magnetized medium: at any instant 

there is a small mass fraction in cores. 

These cores collapse quickly to feed a central disk 

to form individual stars or binaries.

Turbulent Core Model:

(McKee & Tan 2002, 2003)

Stars form from “cores” that fragment from

the “clump”

Competitive (Clump-fed) Accretion: 
(Bonnell, Clarke, Bate, Pringle 2001; Bonnell, Vine, & Bate 
2004; Schmeja & Klessen 2004; Wang, Li, Abel, Nakamura 
2010; Padoan et al. 2020 [Turbulence-fed]; Grudić et al. 2022)

Massive stars gain most mass by Bondi-
Hoyle accretion of ambient clump gas 

Originally based on 
simulations 
including only 
thermal pressure.

Massive stars form 
on the timescale of 
the star cluster, 
with relatively low 
accretion rates.

Violent 
interactions? 
Mergers? 
(Bonnell, Bate & 
Zinnecker 1998;

Bally & Zinnecker 2005

Bally et al. 2011; 2021)

Core Accretion:  
wide range of dm*/dt ~10-5 - 10-2 M! yr-1

(e.g. Myers & Fuller 1992; Caselli & Myers 1995; McLaughlin & Pudritz 1997; 
Osorio+ 1999; Nakano+ 2000; Behrend & Maeder 2001)

Σ ~ 1 g cm-2



Core Accretion
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Low-Mass Prestellar and Protostellar Gas Cores
Shu (1977), Shu, Adams & Lizano (1987)



A&A proofs: manuscript no. DGtauB_final

Fig. 2. Summary of the various 12CO(2-1) kinematical components in
DG Tau B: The inner conical flow (integrated from (V � Vsys) = +2.15
to +8 km s�1) is shown in purple to yellow shades (floor at
26 mJy/beam km s�1). The individual low-velocity 12CO(2-1) chan-
nel maps at (V � Vsys) = 1.19 km s�1 (resp. -1.03 km s�1 ) are
shown in red (resp. blue) shades (floor at 3� with � = 2 mJy/beam).
Inside the white contours, the 13CO(2-1) channel maps are shown at
(V � Vsys) = 1.45 km s�1 in red and (V � Vsys) = �1.55 km s�1 in
blue, highlighting the upper and lower disk surfaces (floor at 3� with
� = 5 mJy/beam).

3.2.2. Outer low-velocity wide-angle outflow

Our ALMA maps reveal that the inner conical outflow is nested
inside a wider component (R ⇡ 1000 at Z = 1500) observed at low
redshifted velocities (V � Vsys = 1 � 2 km s�1). This structure
is shown in Figs. 2 and 4 and can also be seen on transverse PV
diagrams in the form of an extended pedestal with a shallower
V(r) slope at (V � Vsys)  2 km s�1 (red arrows on Fig. 3). An
important part of the 12CO emission from this component falls
at velocities (V � Vsys)  1 km s�1 where it is absorbed by the
surrounding medium or resolved out by ALMA. Contrary to the
conical outflow, the wide and slow component shows a parabolic
morphology that shifts away from the source along the outflow
axis as the line-of-sight velocity increases for (V �Vsys) = 1.2 to
1.8 km s�1 (see Fig. 4). Discrete loops are also observed in the
channel maps, suggesting time variability and contributions from
di↵erent layers inside this region. A strong transverse asymme-
try of the redshifted emission can be observed, for instance, at
(V �Vsys) = +1.2 km s�1, namely; the emission at a given height
is more extended toward �x > 0 than �x < 0. Transverse PV
cuts in Fig. 3 show that this is due to a global "skew" across the
low-velocity pedestal, in the sense that emission at positive �x is
shifted slightly further into the red compared to symmetric neg-
ative �x where it is strongly absorbed. This skew is indicative of
rotation in the same direction as the disk (and the inner conical
flow), but because of absorption by the ambient cloud, it cannot
be easily quantified.

In Fig. 4, we compare the morphology and kinematics of
this wide-angle component with analytical predictions for an ax-
isymetric rotating shell falling ballistically onto the northwest
surface of the disk around a central point mass of 1.1 M� us-
ing the dynamics and structure computed by Ulrich (1976) (see

details in Appendix D). Although the model is idealized, it al-
lows one to visualize the key 3D projection e↵ects expected at
i = 63� in such a geometry. The predicted locus of the shell in
each channel map is shown as white contours, for a centrifugal
radius Rd=700 au and an initial polar angle from the disk axis
✓0=70�. The e↵ect of varying Rd and ✓0 is illustrated in Fig. D.1.
No combination of infall parameters Rd and ✓0 can reproduce
both the large extent and the apparent acceleration of the wide
redshifted component. The match would be even worse if infall
is slown down by pressure gradients, as in the Class I source
TMC1A (Aso et al. 2015). The only feature indicative of infall
in the receding lobe of the system is the blueshifted arc opening
toward the northwest from z ' �2.200, which is suggestive of the
back side of an infalling shell from ✓0 > 70� (see leftmost panel
of Fig. 4). Therefore, we conclude that residual infall in the re-
ceding lobe is confined to equatorial regions, and the wide angle
redshifted component surrounding the inner cone traces mostly
outflowing material.

4. Discussion

4.1. DG Tau B disk: Evolutionary stage and origin of structure

DG Tau B has been traditionally classified as a Class I source
based on the slope of its near-infrared spectral energy distribu-
tion (Luhman et al. 2010). However, Crapsi et al. (2008) showed
that strongly inclined Class II disks (i � 65 �) could be mis-
classified as Class I with the spectral slope method, and Kruger
et al. (2011) attribute ice absorptions toward DG Tau B to a thick
edge-on disk. Our ALMA observations show that while DG Tau
B’s disk is indeed very large and flared, residual infall onto the
disk is still present at large polar angles ✓0 > 70� in both lobes
of the system (see Sects. 3.1 and 3.2.2). However, by extrapo-
lating the single-dish fluxes obtained by Mottram et al. (2017)
at 450µm and 850µm, we find that the extended dust envelope
around DG Tau B contributes only 300+400

�300 mJy at 1.3mm, that
is, at most comparable to the disk flux itself. Following Eq. 1 of
Motte & André (2001), we would infer an envelope mass < 0.37
M� within 1500 (2000 au), that is, less than one third the stel-
lar mass. Hence we conclude that DG Tau B is in the late Class
I phase, and it is in the final stages of clearing up its infalling
envelope.

We note that DG Tau B’s disk is as large as the largest known
Class II disks. Two other large Class I disks with dust and gas
sizes similar to DG Tau B are GY 91 (Rdust = 140 au, van der
Marel et al. 2019) and L1489-IRS (Rdust = 250 au, RCO = 700
au, Yen et al. 2014). Hence, the trend of increasing gas disk size
with age reported by Najita & Bergin (2018) may be a↵ected by
low-number statistics, and an unbiased survey of Class I disks
appears necessary to investigate disk size evolution at  1 Myr.

DG tau B is the third Class I disk where axisymmetric bumps
of enhanced emission were reported, after TMC1-A (Bjerkeli
et al. 2016; Harsono et al. 2018) and GY 91 (Sheehan & Eisner
2018). All three disks show bumps and dips with low contrast
compared to the main emission profile.

In the model continuum intensity profile of DG Tau B, we
see a depression preceding the first emission bump (Fig. A.1)
that might trace the possible signature of a gap. Following the
method outlined in Long et al. (2018), we estimate a gap center
of Rg=53 au with a width of �=9 au, which is typical of those
recently observed in Class II disks (Long et al. 2018; Andrews
et al. 2018). Assuming that � is 5.5 times the planet’s Hill radius
(Lodato et al. 2019), the mass of the planet that could carve the
inner gap in DG Tau B would be 0.1 MJ.

Article number, page 4 of 12

A&A proofs: manuscript no. DGtauB_final

Fig. B.3. 12CO selected individual channel maps. For each channel map �V = 0.32 km s�1 and the central velocity is indicated. The bottom right
panel represents an averaged map from (V � Vsys) = 7.54 to (V � Vsys) = 9.13 km s�1. The two white dotted lines show the inner and outer cone as
defined in Fig.3.Article number, page 10 of 12

Observed order in low-mass star formation

de Valon et al. (2020)



t=0

protostar

formation

Massive Prestellar and Protostellar Cores

Exist? Dynamical state? SFE (CMF ➞ IMF)? Multiplicity?

McKee & Tan (2002, 2003)
Analytic Theory: e.g. Turbulent Core Model

Outflow-

confined 


HII Region

m*=8M!



t=0

protostar

formation

Massive Prestellar Cores

Do they exist? How to find them? Close to virial equilibrium?

McKee & Tan (2002, 2003)

nH,s → 1.1×106 cm-3

Analytic Theory: e.g. Turbulent Core Model

core
clump



Numerical Simulations - MHD + Astrochemistry 
Filaments, Clumps and Cores 

Wu et al. 2015, 2017 
Hsu et al., in prep. 

García-Alvarado et al., in prep. 
Drechsler et al., in prep.

N2H+ and N2D+ as key tracers of prestellar cores 
Goodson et al. 2016;  Hsu et al. 2021 See Blake Drechsler’s poster!Chia-Jung Hsu


(Chalmers)



IRDC G28.37+00.07  
5kpc, ~70,000 M⦿ 
(Butler et al. 2014;  
NASA/JPL/Spitzer)



Comparison to Turbulent Core Model

Core masses inside 3σ 

N2D+ contour: 


Σcl = 0.36 g cm-2 

Mc,MIREX = 55.2 ± 25 M! 
Mc,mm = 62.5 129 26.9 M!

core

clump

C1, ΣMIREX, N2D+(3-2) contours 

3.6” 
0.09pc

McΣcl

ALMA beam        Spitzer beam

Tan et al. (2013)
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Massive Pre-Stellar Cores?
- ALMA survey of 30 IRDC clumps (Kong, Tan et al. 2017); 
automated N2D+(3-2) core finding; ~100 N2D+(3-2) core candidates; 
dynamical analysis of 6 best cores: < σobs/σvir > = 0.80 ± 0.06 

- IRDC G28.37+0.07 at 0.2”: C1-S, ~50 M⊙.	(Kong, Tan et al. 2018)

- G11.92-0.61-MM2: ≳ 30 M⊙	(Cyganowski, Brogan et al. 2014) 

- However: G028.23-00.19: < 15 M⊙	cores (Sanhueza et al. 2017)  
- See also Nony+ (2018); Louvet+ (2018)

Zooming in to Massive Star Birth 3
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Figure 1. 1.30 mm continuum images of C1-S region: (a) Top left: compact-configuration (1� rms 0.12 mJy beam�1); (b) Top right:
extended-configuration (1� rms 0.042 mJy beam�1); (c) Bottom left: combined (1� rms 0.040 mJy beam�1); (d) Bottom right: combined,
smoothed to 0.500(1� rms 0.080 mJy beam�1). The black contours show 2, 3, 4, 5, 6, 7, 8, 8.5, 9, 10�. The gray contours show 12, 15,
20, 30, 40, 50...�. The color scale bars have units of Jy beam�1. The synthesized beams are shown as white filled ellipses in the lower-left
corners of each panel. The white plus signs in panel (a) show the protostellar sources, C1-Sa and C1-Sb, identified by T16. The white
dashed circles in panels (c) and (d) show the apertures we use later in the paper to measure fluxes from C1-Sa, C1-Sb and the inner and
outer regions of the C1-S candidate massive pre-stellar core.

adopted distance to the source of 5.0 kpc. Panel (d)
shows the same data as (c), but now smoothed to about
0.500 resolution. We also overlay contours for the contin-
uum emission in Panel (d). There is a small continuum
peak in C1-S.

We define C1-Sa and C1-Sb with two circular regions
(the dashed circles in Figures 1c and d). The C1-Sa core
shows a relatively smooth profile as a function of radius
from the center, resolved with & 10 beams and with no
sign of fragmentation. The bright central region shows
elongation in the direction of Galactic longitude. The
elongation is resolved with 3 synthesized beams. In the
continuum image of Figure 1c, a bipolar structure is seen
stretching out from C1-Sa in the approximately (Galac-
tic) north-south directions. This structure coincides with
the CO outflow axis (T16, and see, below, §3.3), indicat-

ing that there is dust in this outflow or along its cavity
walls that is likely heated to temperatures greater than
those of dust in the ambient environment.

Our defined core region of C1-Sb is much smaller in
size compared to C1-Sa, with only ⇠ 4 beams across its
diameter. The peak flux density is also several times
smaller than that of C1-Sa.

The angular distance between C1-Sa and C1-Sb is
⇠ 300, corresponding to about 15,000 AU (0.073 pc). In-
terestingly, in this region between C1-Sa and C1-Sb, we
see a di↵use distribution of 1.30 mm dust emission. At
least in projection, it appears to connect C1-Sa and C1-
Sb with an arc-like shape. It does not show any clear
centrally peaked profile. This structure spatially over-
laps with the N2D+(3-2) core C1-S defined in T13. In the
following, we show the new high-resolution N2D+ data

- Prestellar cores are weak in mm continuum (no surprise!); but 
highly deuterated (N2D+) 

- Massive PSCs appear “sub-virial” with respect to fiducial turbulent 
core model. Virial if moderately stronger B-fields (~1-2 mG), i.e., 
sub-Alfvénic (see also Beuther et al. 2018).


- Appear chemically old (high deuteration; low OPR), compared to tf

-Dedicated PSC mass function studies needed!
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Figure 9. Minimum spanning trees (MSTs) calculated for
the seven clumps each containing at least ten cores. The
extent of the ALMA primary beam FOV is marked by the
dashed circle. The location of each core is represented by the
red dots, and the edges of the MST between cores are shown
by the black lines.

the IRDC clumps usually have ⌃cl . 0.4g cm�2 (Butler
& Tan 2012). On scales within a radius of 1.54 pc, rel-
evant to where its core population is measured, G286 is
estimated to have ⌃cl ⇠ 0.1 g cm�2 (Cheng et al. 2020).
Thus, we conclude that this di↵erence in environmental
conditions is the factor that is most likely to be respon-
sible for the variation in the observed CMFs.
Next, one may speculate on the reason why high

⌃cl leads to a more top-heavy CMF. At fixed tem-
perature, the critical Bonnor-Ebert mass is given by

Figure 10. The blue histogram is the true CMF derived
from the G286 protocluster in Paper I. The purple histogram
is the combined true CMF derived from the seven IRDCs
in Paper II. The red histogram is the combined true CMF
from this sample of massive clumps. The three histograms
are each normalized by the total number of cores within each
CMF. The dotted lines show the best WLS power-law fits for
each CMF with Mmin = 0.79 M�, with colors corresponding
to each histogram. The dashed red line shows the best fit to
the sample of massive clumps with Mmin = 5 M�.

MBE = 0.0504(T/20 K)2(⌃cl/1 g cm�2)�1 (McKee &
Tan 2003, see their eq. 68), i.e., scaling as ⌃�1

cl
, i.e.,

becoming much smaller in high pressure regions (in a
self-gravitating clump the ambient pressure / ⌃2

cl
). In

any case, for realistic temperatures . 100K and the rel-
evant range of ⌃cl & 1 g cm�2 the Bonner-Ebert mass
is . 1 M�, and so is not related to the di↵erences we
see that apply to the shape of the CMF in the region
from ⇠ 1 to 100 M�. Di↵erences in the fragmentation
scale in this mass regime would likely require there to be
di↵erences in the strength of magnetic fields, which do
appear likely to be influencing fragmentation in IRDCs
(see e.g., Butler & Tan 2012; Beuther et al. 2018).
Alternatively, the core properties may be evolving

due to enhanced accretion from the ambient clump gas
and/or mergers between cores. These processes are ex-
pected to become more important in high ⌃cl environ-
ments. For example, the Turbulent Core Model of Mc-
Kee & Tan (2003) predicts that the rate of accretion of

a core from the ambient clump is / ⌃3/4
cl

and at typical
values of ⌃cl ⇠ 1 g cm�2 is already occurring at a rate
that would double the mass of a core within about one
core free-fall time. Thus, this mechanism of core growth
from the clump, especially in the build up of prestellar
cores that are relatively long-lived, could be important
in shaping the CMF that we observe, which in these
mm-continuum selected samples is likely dominated by
protostellar cores.

Cheng et al. (2018)

Liu et al. (2018)

O’Neill et al. (2021)


See also, e.g., 

Motte et al. (2018)

Need hires T maps!
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Figure 1. (a) Left: 8 µm image of IRDC G028.37+00.07 (Cloud C) with intensity scale in MJy sr−1. Dotted squares show the 12 Spitzer IRAC pointings, each with
10.4 s exposure, used to construct the mosaicked image. (b) Right: merged NIR+MIR Σ map (units of g cm−2). The IRDC-defining ellipse from Simon et al. (2006) is
shown. Core/clump centers (Section 3.2) are labeled with crosses. Saturated pixels are marked with white squares.
(A color version of this figure is available in the online journal.)

kinematic distance of 5.0 kpc (Simon et al. 2006) made us-
ing longer-exposure archival Spitzer-IRAC data, probing to
Σsat " 1 g cm−2. Combining with an NIR extinction map, it
reveals a very high dynamic range of mass surface densities.

2. METHODS

Butler & Tan (2012) MIREX mapping requires knowing the
intensity of radiation just behind the cloud, Iν,0 (estimated by
interpolation of surrounding observed intensities), and just in
front, Iν,1. Then for negligible emission in the cloud and a one-
dimensional geometry, Iν,1 = e−τν Iν,0, where optical depth
τν = κνΣ, where κν is total opacity at frequency ν per unit
total mass. However, foreground emission from the diffuse
ISM emission causes us to observe Iν,1,obs = Iν,fore + Iν,1 =
Iν,fore + e−τν Iν,0 toward the IRDC and Iν,0,obs = Iν,fore + Iν,0
toward the surroundings used to estimate Iν,0.

Following Butler & Tan (2012), we estimate Iν,fore by search-
ing for saturation in independent cores, occurring when Σ is
large enough to block essentially all background emission.
Butler & Tan (2012) used Spitzer GLIMPSE data with 2.4 s
exposures. We now use archival data of IRDC C (PI: G. Fazio;
Project ID DARKCLOUDS/219; AOR key 6050304), with
10.4 s exposure per pointing. After starting with post basic cali-
brated data (pipeline version S18.18.0), the final combined im-
age consists of 12 mosaicked 5.′2 × 5.′2 pointings, resulting in
∼20 regions that have different total exposures, 1σ noise and
instrumental background levels (Figure 1(a)). For each region
with area !500 pixels, we search for saturation by: (1) find
Iν,1,obs(min), the minimum value of Iν,1,obs. (2) Find all pixels
with Iν,1,obs(min) < Iν,1,obs < Iν,1,obs(min)+2σ . If these are spa-
tially independent (i.e., extended over "4′′; cf. 8′′ of Butler &
Tan 2012), then the region is defined to exhibit “local saturation”
and all pixels in this intensity range are labeled “saturated.” Steps
(1) and (2) are repeated for each region. (3) Evaluate the mean
value of Iν,1,obs of saturated pixels in all regions, Iν,1,obs(sat) (in

practice only two regions exhibit saturation; see Section 3.2).
Apply an offset to each saturated region equal to the difference
between Iν,1,obs(sat) and its local value. We expect these offsets
to result from varying instrumental background noise. We then
subtract a local 2σ intensity from the foreground to each region,
which ensures every pixel has a finite estimate of Σ. The aver-
age estimate of Iν,fore is "31.2 MJy sr−1 ("0.6 MJy sr−1 greater
than the Butler & Tan 2012value). Lack of areal coverage of the
archival data means we must use the background model derived
from GLIMPSE (Butler & Tan 2012). This was scaled to match
intensities of the archival data by comparing median intensities
in several small patches free of stellar or extended emission
sources, which were used to derive a single mean offset factor.

Longer integration times (everywhere "10.4 s; all identi-
fied core/clumps (Section 3.2) have "20.8 s, up to maxi-
mum of 52 s; compared to 2.4 s for GLIMPSE) cause the 1σ
noise level to fall from ∼0.6 MJy sr−1 (Reach et al. 2006) to
0.29, 0.20, and 0.14 MJy sr−1 for the 10.4, 20.8, and 41.6 s ex-
posure regions, respectively. While the absolute value of this
noise level is somewhat uncertain, the relative values should
be better determined. By subtracting a 2σ noise level, our
method sets the minimum value of Iν,1 " 1σ–2σ , leading to a
limit at which our Σ measurements begin to be underestimated
by saturation effects, Σsat = τν,sat/κν = ln(Iν,0/Iν,1)/κν , of
0.625, 0.675, 0.722 g cm−2 respectively, assuming Iν,1 = 2σ
and a value of Iν,0 = Iν,0,obs − Iν,fore = (94.3–31.2 =
63.1) MJy sr−1, the mean intensity of our scaled background
model with foreground subtracted. This represents an increase
of up to ∼40% in dynamic range compared to the Butler & Tan
(2012) map, which had Σsat " 0.5 g cm−2. A true Σ value that is
equal to Σsat is underestimated by about 7% (cf. 17% for Butler
& Tan 2012). Thus the new map not only probes to higher Σ,
but does so with greater accuracy. Note, values of Σ > Σsat are
present in the map, up to ∼0.85 g cm−2.

The above equation for Σsat is also useful for seeing the
effect of errors in estimating the background specific intensity,
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Magneto-Kinematic 

Mapping of IRDCs
GBT-Argus
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Law, Morgan, 
in prep.
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Massive Protostellar Cores: simulations
Peters et al. (2011)

Mc = 100M!, Rc=0.5pc, 

nH = 5400cm-3, B=10μG Disc formation in turbulent massive cores 3

Figure 2. Column density in logarithmic scaling for the top-on
view of disc 1 (top left) and disc 2 (top right) of run 2.6-4-A and
of the disc in run 2.6-4 without turbulence (bottom). The figures
are 800 AU in size.

lines. This is a remarkable result since for previous simula-
tions of low- and high-mass cores with mass-to-flux ratios
µ . 10 only sub-Keplerian discs were found (e.g. Allen et al.
2003; Price & Bate 2007; Mellon & Li 2008; Hennebelle &
Fromang 2008; Du�n & Pudritz 2009; Seifried et al. 2011).

We emphasise that for the other runs we find qualita-
tively similar results, i.e. discs with sizes of up to ⇠ 100 AU
and masses of the order of 0.1 M�. The number of discs per
run varies between 2 and 5. We briefly note that the discs
presented here drive molecular outflows. Furthermore, in all
discs v� scatters around vkep, indicating that this is neither
a consequence of the specific turbulence seed (runs 2.6-4-B
and 2.6-4-C) nor of the adopted cooling function (run 2.6-4-
poly) nor of the power-spectrum exponent (run 2.6-4-b). We
find that vrad scatters around 0 and is almost always smaller
than v� and significantly smaller than the free-fall velocity
v↵ =

p
2vkep. This is in strong contrast to the disc in run

2.6-4 which has the same initial setup as the runs presented
here except the initial turbulence field (Seifried et al. 2011).
The disc was found to be strongly sub-Keplerian with vrad
close to v↵ . The di↵erence becomes particularly clear when
comparing the top-on view of disc 1 and 2 in run 2.6-4-A
with that of the disc in run 2.6-4 (Fig. 2).

Why, even in the case of such strongly magnetised cores,
are Keplerian discs formed? The suppression of Keplerian
disc formation in previous studies without turbulence is due
to the very e�cient magnetic braking (Mouschovias & Pa-
leologou 1980) which removes angular momentum from the
midplane at a very high rate. Hence, in our runs the mag-
netic braking e�ciency has to be reduced significantly. Two
possible reasons for this are the loss of magnetic flux in the
vicinity of the discs or, as proposed recently, a misalign-
ment of the magnetic field and the angular momentum vec-
tor (Hennebelle & Ciardi 2009; Ciardi & Hennebelle 2010).

We first consider the possibility of magnetic flux loss
in the vicinity of the discs which might be attributed to
turbulent reconnection (Lazarian & Vishniac 1999). For this
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Figure 3. Mass-to-flux ratio µ (left) and inclination of the mean
magnetic field to the angular momentum vector of the disc (right)
in spheres with a radius of 500 AU around the CoM of the discs
found in run 2.6-4-A.

purpose we calculate the volume-weighted, mean magnetic
field hBi in a sphere with a radius of r = 500 AU around
the CoM of each disc. In combination with the sphere mass
M we obtain the mass-to-flux ratio

µ =
M

⇡r2| hBi |/
0.13p
G

. (1)

We plot the time variation of µ in the left panel of Fig. 3
for the same four discs as in Fig. 1. As can be seen, µ varies
around a mean of 2 - 3. Hence, the values of µ roughly
agree with the overall value of 2.6 and are comparable to
the value of ⇠ 2 found in run 2.6-4. Moreover, µ is well in
the range where simulations without turbulent motions have
found sub-Keplerian discs only. We therefore conclude that
turbulent reconnection is not responsible for the build-up of
Keplerian discs in our runs.

Another way of reducing the magnetic braking e�ciency
was investigated by Hennebelle & Ciardi (2009) and Ciardi
& Hennebelle (2010). These authors found that even for a
small misalignment of the overall magnetic field and the ro-
tation axis Keplerian discs can form. As we consider a tur-
bulent flow, it is very likely that the magnetic field and the
rotation axis are misaligned. In the right panel of Fig. 3 we
plot the angle ↵ between the disc angular momentum vec-
tor and hBi in the spheres around the discs of run 2.6-4-A.
The angle ↵ is significantly larger than 0� which supports
the picture of a reduced magnetic braking e�ciency due to
a misalignment of the magnetic field and the rotation axis.

However, there is a third way to reduce the magnetic
braking e�ciency while simultaneously keeping the inwards
angular momentum transport on a high level. Considering
the top panel of Fig. 2 it can be seen that in the surround-
ings of each disc there is a turbulent velocity field with no
signs of a coherent rotation structure. Therefore no toroidal
magnetic field component (w.r.t. the coordinate system of
the disc) can be built up. But as the angular momentum
is mainly extracted by toroidal Alfvènic waves, it is not
surprising that the magnetic braking e�ciency is strongly
reduced in the environment of the disc despite a low mass-
to-flux ratio (compare left panel of Fig. 3). Despite the lack
of a coherent rotation structure, locally the inwards angu-
lar momentum transport can remain high due to local shear
flows driving large angular momentum fluxes. We also note
that the non-coherent flow cannot be e�ciently slowed down
by the magnetic field as it does in case of large-scale co-
herent motions. This can be seen in our previous simula-
tions (Seifried et al. 2011) without initial turbulence. Here

c� 2012 RAS, MNRAS 000, 1–6

Seifried et al. (2012)

Mc = 100M!, Rc=0.25pc, 

nH = 4.4x104cm-3, B~1mG

Myers et al. (2013)

Mc = 300M!, Rc=0.1pc, 

nH = 2.4x106cm-3, B>~1mG
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gmentation seen if i
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l conditio
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include ~1 mG magnetic fields



Massive Protostellar Cores: semi-analytic 
protostellar evolution & radiative transfer models
Zhang & Tan (2011), Zhang, Tan & McKee (2013), Zhang, Tan & Hosokawa (2014), Zhang & Tan (2018)

Three primary parameters of Turbulent Core Model: Σclump, Mcore, m* 



Massive Protostellar Cores: MHD outflow feedback
Staff, Tanaka, Tan (2019)

Σclump = 1 g cm-2 

Mcore = 60 M⊙


m* = 1M⊙


m* = 8M⊙


m* = 24M⊙


Semi-analytic model (Zhang, Tan & Hosokawa 2014)

following Matzner & McKee (2000)

Simulations with and without pre-clearing

(Staff, Tanaka & Tan 2019)



Massive Protostar 
Observations 



The SOFIA Massive (SOMA) �
Star Formation Survey



Li
u,

 T
an

 e
t a

l. 
(2

02
0)

 (S
O

M
A 

III
) +

 F
ed

ria
ni

 e
t a

l.,
 in

 p
re

p.
 (S

O
M

A 
IV

)

Conditions for Massive Star Formation?
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Fig. 7.17.— a) Left: Average protostellar mass, m⇤, versus average clump mass
surface density, ⌃cl, of SOMA sources (squares) and IRDC sources (circles, Liu et
al. 2018; Moser et al. 2020; Liu et al. 2020b), based on ZT model fits: the average
is made for the best five selected models. The red dotted and dashed lines indicate
fiducial threshold values of m⇤ (10 and 25M�) and ⌃cl (1g cm�2, see text). b) Middle:
Same as (a), but with the average made for best five or fewer models with Rc . 2Rap

and �2 < �2
min + 5. c) Right: Same as (b), but now also showing the distribution of

models in the ZT model grid (shading indicates the density of models).
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Same as (a), but with the average made for best five or fewer models with Rc . 2Rap

and �2 < �2
min + 5. c) Right: Same as (b), but now also showing the distribution of

models in the ZT model grid (shading indicates the density of models).

Massive protostars can form where Σcl < 1 g cm-2

m* > 25 M⦿ generally favors high Σcl >1 g cm-2

Favoured physical interpretation: internal protostellar 
feedback limiting core SFE (Tanaka et al. 2017)

282

Fig. 6.20.— Star formation e�ciency as a function of clump mass surface density,
⌃cl, from model calculations of Tanaka et al. (2017). Models for initial core masses
of Mc = 30, 100, and 300 M� are shown, as labelled.

SOMA Survey results for ~40 massive protostars + IRDC protostars 

Spectral Energy Distribution Fitting Results

● SOMA data is inconsistent with the 
Krumholz & McKee (2008) 
prediction that 10 M☉ stars require 
Σcl ≳ 0.3 g cm-2  to form

● The most massive ≳25 M☉ stars 
are predicted to form more 
efficiently in Σcl ≳ 1 g cm-2 

protostellar clump environments
● This is indicative of special 

conditions needed to form massive 
stars, consistent with the Turbulent 
Core Accretion model

Zoie Telkamp (zrt7qc@virginia.edu)

Telkamp et al., in prep.
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SOMA+

Beyond SED Fitting

The Astrophysical Journal, 733:55 (20pp), 2011 May 20 Zhang & Tan

Figure 10. Same as Figure 9, except convolved with the resolution of each particular instrument, labeled in the top right corner and shown as red circles of radius
equal to the HWHM (or line segments with lengths equal to the HWHMs for Herschel SPIRE) in the bottom right corners. The maximum surface brightness (which is
dependent on the resolution) is labeled in the bottom left corner. The contours for most of the images have intervals of half an order of magnitude from the maximum
brightness. Because some images (1.23, 10.3, and 20 µm) are relatively noisy at faint fluxes, only five contours with intervals of half an order of magnitude are shown
here. For images at 250 and 500 µm, dashed contours have intervals of 0.1 dex.
(A color version of this figure is available in the online journal.)

here, especially when comparing the 30◦ and 60◦ images, that
the images are all scaled to their maximum surface brightness,
which is generally much greater for the 30◦ viewing angles.

After convolving with PSF of particular instruments, in the
far-IR, the contours become very symmetric and we cannot tell
the inclination or the opposite outflow cavities. It is possible
to see the opposite outflow in MIPS 24 µm and FORCAST
37.1 µm at high inclinations, if the S/N is large enough. The
two sides of the outflow cavities are clear in IRAC images and
in near-IR images. GTC-CanariCam has very high resolution so
it may enable us to see the central region in mid-IR.

Figure 13 shows the flux profile along the system axis at
inclinations of both 60◦ and 30◦. Each profile is normalized by
the mean flux of a very narrow strip along the axis across the
whole core. Thus, the general shape and level of the profiles
are independent on the resolution of the image. But the curve
would be smoothed out if a larger PSF FWHM is used. At
inclinations of 60◦, as we discussed above, at short wavelengths,
the central region is totally blocked by the envelope, most
of the emission comes from the outflow cavity. In the mid-
IR, the maximum surface brightness comes from the base of the
outflow cavity rather than from central star and disk, on the side

15



Peering to the Heart of Massive Star Birth
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SOMA FIFI-LS - Atomic Outflows
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Table 3. Summary of the here investigated molecular transitions.

Line Frequency Quantum numbers Log10 Aij Eup/k n
a

cr Database
[GHz] [s�1] [K] [cm�3]

CH3OH�A vt = 0 335.13369 2�2 � 3�1 �4.57 44.67 1.1 ⇥ 107 CDMS
CH3OH�A vt = 0 335.58200 71 � 61 �3.29 78.97 3.6 ⇥ 107 CDMS
CH3OH�A vt = 0 336.43822 147 � 156 �4.25 488.22 6.7 ⇥ 105 CDMS
CH3OH�A vt = 0 336.86511 12�1 � 120 �2.84 197.07 1.0 ⇥ 108 CDMS
CH3OH�E vt = 0 337.13587 33 � 42 �4.61 61.64 6.9 ⇥ 107 CDMS
CH3OH�E vt = 1 334.42656 30–21 �4.26 314.47 CDMS
CH3OH�A vt = 2 336.60589 71 � 61 �3.79 747.4 JPL

13CH3OH�A vt = 0 335.56021 12�1–120 �3.40 192.65 CDMS
13CH3OH�A vt = 0 347.18828 14�1–140 �3.39 254.25 CDMS

HC3N v7 = 0 336.52008 37–36 �2.52 306.91 CDMS
HC3N v7 = 1 346.45573 38–37, l=1e -2.48 645.13 CDMS

CO 345.79599 3 � 2 �3.61 33.20 2.05 ⇥ 103 CDMS
SO2 v = 0 334.67335 8( 2, 6)- 7( 1, 7) -3.25580 JPL
SO2 v = 0 348.63335 5( 3, 3)- 6( 0, 6) -6.33390

Notes: a: Calculated at T = 100 K using collisional rate coe�cients from the LAMDA database for the species available. For
HC3N the molecular datafile lists cross sections up to Jup = 21, and T = 80 K.

Fig. 5. Rotational diagram of the CH3OH (and isotopologue) transitions
from Table 3. The left and right CH3OH peak positions are marked in
Fig. 3 a. Filled circles show the CH3OH lines, squares the 13CH3OH
lines, and triangles the optically thick lines that are not used for the
fit. Error bars show the linearly propagated errors from given by the
Gaussian fit to the line area.

ity of low-mass protostars. These indicate the shock front of the
outflowing gas impacting the ambient medium.

Assuming that the maximum velocity observed in the CO (3–
2) line corresponds to the speed at which the material has been
ejected, we can estimate when this material has been ejected. We
measure an angular separation of ⇠10" between the central ob-
ject and the bow-shock seen in the SiO (8–7) line corresponding
to a physical distance of 25000-50000 AU scales4. The measured
velocity extent of the flow is ⇠50 km s�1, which gives a dynam-
ical age estimate of tdyn ⇠ 2.3 � 4.7 ⇥ 103 yr for the protostar.
Given the above mentioned assumptions, this can be considered
as a lower limit on the time since the outflow activity started.
This suggests that the protostar is very young, consistent with its
analogue of the low-mass Class 0 stage.

3.4.2. Maps of SO2 and HC3N lines.

To understand the origin of the CH3OH vt = 1 emission, we
compare its distribution to other species, such as SO2 and HC3N

4 For the limits we adopt 0 � 45� inclination angle.

Fig. 6. Color scale shows the continuum emission from Fig. 1 panel
b. Contours show the CO (3–2) integrated emission between �80 to
�65 km s�1 for the red, and between �30 to +36 km s�1 for the blue,
respectively.

both in its vibrational ground and excited state in Fig. 7, as well
as the molecular outflow traced by the CO (3–2) line. These lines
are not a↵ected by blending, and probe various excitation con-
ditions (see Table 3). It is clear that the methanol emission cor-
responds the best to the distribution of the dust continuum than
any of the here selected species.

The SO2 (82,6–71,7) line at 334.67335 GHz peaks on the po-
sition of the protostar and shows the most extended emission
among the species shown here with a north-south elongation spa-
tially coinciding with the outflow axis. The spatially averaged
spectra shows an excess emission corresponding to line line-
wings in a velocity range blue-shifted with respect to the with
up to +15 km s�1.

The HC3N lines similarly peak on the protostar. The v7=0
(J=37–36) transition shows a similar north-south elongation fol-
lowing the outflow axis, it is, however, more compact compared
to the SO2 line. The higher excitation state v7=1 (J=38–37) tran-
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Fig. 2. Left: Same as Fig. 1 zooming on the central protostar at a position of �2.2”,�2.7”. Scaling and contours are the same as in Fig. 1. Red
and blue dashed lines show the direction of the CO outflow. Dark gray dotted ellipse shows the fitted 2D Gaussian. Right: Residual continuum
emission after removing the Gaussian fit to the envelope component. Color scale goes linearly from �3� to 50�. Contours start at 5� and increase
linearly by 10�. White ellipse shows the FWHM of the fitted 2D Gaussian to the residual, the black dotted line marks the direction perpendicular
to the outflow. The beam is shown in the lower left corner.

Table 1. Dust continuum measurements.

Component Peak flux Integrated flux FWHM, p.a. Physical size Mass T
[Jy/beam] [Jy] [00⇥00, �] [M�] [K]

MDC core+envelope+disk 2.10�8.32 4�8.32 ⇠500to 19.200a 0.06 � 0.24 pca 79.5 ± 42.5 30
Envelopeb envelope+disk 0.10 2.10 0.96"⇥0.56" 106� 1500 auc 10+5

�3.5 100
Residual b disk 0.063 0.068 0.25"⇥0.12" 78� 575 auc

Notes. Three components based on the decomposition of the dust emission. We indicate the corresponding peak and integrated flux density values
that were measured on the maps. We show the beam convolved angular scales for the adopted (core), and the beam deconvolved fitted physical
size-scales (envelope and residual). We include the mass estimate for each component adopting the listed Td value. (a) Here we give approximate
range for the FWHM axis. (b) Obtained with a 2D Gaussian fit. (c) Corresponds to R90, see the text for details.

vations, the 12 m and 7 m array combined data, and the total flux
density from the single dish observations from ATLASGAL. We
recover a total flux density of 2.9 Jy in the field with the 12 m
array observations only, which is a significant fraction (73%) of
the ⇠4.0 Jy measured in the 7 m and 12 m array combined data.
The 870 µm single-dish flux density measured by ATLASGAL
is 10.26 Jy on this position, from which 8.32 Jy have been as-
signed to the clump in the catalog of Csengeri et al. (2014). This
means that the 12m and 7m array combined observations recover
⇠50% of the total dust emission from the clump. Clearly, most
of the emission is concentrated on the smallest scales, there is,
however, considerable amount of extended emission distributed
in the field.

We estimate the mass of the core, envelope and disk com-
ponent, adopting a simple isothermal model for each component
that allows us to account for the increasing temperatures on the
smallest scales due to the radiation of the protostar. The large-
scale dust temperature for the Massive Dense Core (MDC) at
0.06 pc scales is constrained by a greybody fit to the far-infrared
spectral energy distribution (SED), and gives a dust temperature
of Td = 30.7±0.1 K (see App. A), suggesting that the bulk of the
gas is still at a low temperature1. The core mass determines the
mass reservoir available for accretion onto the central protostar
beyond the spiral structure seen in the envelope.
1 In Csengeri et al. (2017a) we used Td =25 K for all cores.

It is not straightforward to determine the flux originating
from the cold gas of the core, and here we give an average, esti-
mated by the minimum and the maximum available flux density,
and hence mass for the MDC. The upper limit for the total flux
density is given by the ATLASGAL peak flux density at this
position of 8.32 Jy. To account for the cold core material, we
subtract the emission originating from the envelope that is likely
to be at a somewhat higher temperature. Csengeri et al. (2017a)
finds an indication that one other core could also emerge from
the clump, which means that not all the available mass of the
clump could be accreted by the currently observed single core.
The lower limit for the available mass is given by the current
core mass, that is estimated from the total flux density measured
on the 12 m and 7 m array combined data, from which, similarly
as above, we subtract the envelope component. On average, this
gives Mcore = 79.5 ± 42.5 M�, where the uncertainly reflects the
uncertainty of the total flux density measurement2. Adopting a
di↵erent dust emissivity (e.g. Peretto et al. 2013), and/or a gas-
to-dust ratio of 150 would increase this value by 50-100%. The
corresponding radius for this estimation ranges between ⇠0.06
to 0.24 pc.

2 We used Eq. 2 from Csengeri et al. (2017a) with the same parameters
for the dust (dust emissivity, ⌫ = 0.0185 cm2 g�1 Ossenkopf & Henning
(1994) accounting for a gas-to-dust ratio, R, of 100), and adopted Td =
30.7 K.
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Fig. 4. a) Color scale shows the integrated intensity of the 3t = 1 CH3OH line at 334.4 GHz. The green triangles
indicate the positions where the spectrum has been extracted for the rotational diagram analysis on the CH3OH
spots, and are labeled as A and B components. The black cross marks the position of the dust continuum peak.
The beam is shown in the lower left corner. b) The color scale shows the continuum emission from Fig. 2b,
contours and markers are the same as on panel a. c) Integrated spectrum of the torsionally excited CH3OH
transition at 334.4 GHz over the area shown in panel a. The green lines show the two component Gaussian
fit to the spectrum. The blue dashed line shows the vlsr of the source. d) Position-velocity diagram along the
�↵ axis and averaged over the shown extent of the cube corresponding to ⇠2.500. The dotted lines mark the
position of the dust peak and the vlsr of the source.

3.2.1. Torsionally excited methanol emission shows two bright spots offset from the protostar

Our continuous frequency coverage between 333.2 and 337.2 GHz, as well as between 345.2 and

349.2 GHz, includes several transitions of CH3OH and its 13C isotopologue. Most interestingly, we

detect and spatially resolve emission from a rotational transition of CH3OH, from its first torsion-

ally excited, 3t = 1, state at 334.42 GHz, towards the inner envelope (Fig. 4a). Its spatial morphol-

ogy shows two prominent emission peaks (marked as A and B in Fig. 4a), which spatially coincide

with the spiral structure of the envelope. The emission drops, however, significantly towards the

continuum peak, i.e. the protostar (Fig. 4, b). We find that the observed morphology is dominated

by two velocity components, which show an o↵set, on average, of �4.6, and +3.6 km s�1 compared

to the vlsr of the source5 (Table 3). We spatially resolve the emission from these spots, and estimate

the peak of its distribution to fall between a projected distance of 300 and 800 au symmetric from

the protostar.

The pv-velocity diagram along the �↵ axis and averaged perpendicularly to this axis over the

shown extent of ⇠ 2.500 reveals that the emission is dominated by the two velocity components,

and shows a pattern consistent with rotational motions (Fig. 4d ). We compare these observations

to simple models of the gas kinematics in more detail in Sect. 4.3.

5 We adopt the vlsr of the dense gas seen on the clump/core scale used in Csengeri et al. (2017a).
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Fig. 4. a) Color scale shows the integrated intensity of the 3t = 1 CH3OH line at 334.4 GHz. The green triangles
indicate the positions where the spectrum has been extracted for the rotational diagram analysis on the CH3OH
spots, and are labeled as A and B components. The black cross marks the position of the dust continuum peak.
The beam is shown in the lower left corner. b) The color scale shows the continuum emission from Fig. 2b,
contours and markers are the same as on panel a. c) Integrated spectrum of the torsionally excited CH3OH
transition at 334.4 GHz over the area shown in panel a. The green lines show the two component Gaussian
fit to the spectrum. The blue dashed line shows the vlsr of the source. d) Position-velocity diagram along the
�↵ axis and averaged over the shown extent of the cube corresponding to ⇠2.500. The dotted lines mark the
position of the dust peak and the vlsr of the source.

3.2.1. Torsionally excited methanol emission shows two bright spots offset from the protostar

Our continuous frequency coverage between 333.2 and 337.2 GHz, as well as between 345.2 and

349.2 GHz, includes several transitions of CH3OH and its 13C isotopologue. Most interestingly, we

detect and spatially resolve emission from a rotational transition of CH3OH, from its first torsion-

ally excited, 3t = 1, state at 334.42 GHz, towards the inner envelope (Fig. 4a). Its spatial morphol-

ogy shows two prominent emission peaks (marked as A and B in Fig. 4a), which spatially coincide

with the spiral structure of the envelope. The emission drops, however, significantly towards the

continuum peak, i.e. the protostar (Fig. 4, b). We find that the observed morphology is dominated

by two velocity components, which show an o↵set, on average, of �4.6, and +3.6 km s�1 compared

to the vlsr of the source5 (Table 3). We spatially resolve the emission from these spots, and estimate

the peak of its distribution to fall between a projected distance of 300 and 800 au symmetric from

the protostar.

The pv-velocity diagram along the �↵ axis and averaged perpendicularly to this axis over the

shown extent of ⇠ 2.500 reveals that the emission is dominated by the two velocity components,

and shows a pattern consistent with rotational motions (Fig. 4d ). We compare these observations

to simple models of the gas kinematics in more detail in Sect. 4.3.

5 We adopt the vlsr of the dense gas seen on the clump/core scale used in Csengeri et al. (2017a).
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(a) 1.3 mm continuum in C3+C6 (b) 1.3 mm continuum in C9 (c) 1.3 mm continuum in C6+C9

(d) 1.3 mm continuum in C3+C6+C9 (e) 7 mm continuum (f) Spectral index map

Figure 1. (a)�(d): ALMA 1.3 mm continuum map of G45 observed in the C3+C6 configuration (panel a), C9 configuration
(panel b), C6+C9 configuration (panel c), and C3+C6+C9 configuration (panel d). The synthesized beams in these images are
0.2800 ⇥ 0.2100 (P.A. = �6.6�, panel a), 0.03800 ⇥ 0.02600 (P.A. = �53.9�, panel b), 0.04200 ⇥ 0.02800 (P.A. = �53.6�, panel c), and
0.04300⇥0.02900 (P.A. = �53.4�, panel d). The contour levels are 5�⇥2n (n = 0, 1, ...), with 1� = 0.13 K (0.33 mJy beam�1, panel
a), 1� = 1.1 K (0.049 mJy beam�1, panel b), 1� = 0.91 K (0.047 mJy beam�1, panel c), and 1� = 0.94 K (0.052 mJy beam�1,
panel d). (e): VLA 7 mm continuum map with solid contours at 5� ⇥ 2n (n = 0, 1, ..., 6, 1� = 25 K or 0.067 mJy beam�1),
and dashed contours at �5� and �10�. The synthesized beam is 0.04500 ⇥ 0.03800 with P.A. = �24.2�. (f): Map of continuum
spectral index between 1.3 mm (C3+C6+C9) and 7 mm, ↵⌫ = log(I⌫1/I⌫2)/ log(⌫1/⌫2), where ⌫1 = 44 GHz and ⌫2 = 234 GHz.
Only regions where both 1.3 and 7 mm emissions are > 5� are included. Here the 1.3 mm image is restored with the same beam
size as the 7 mm image. The red rectange in panel a marks the region shown in panels b�f. In panels b�f, the black dashed
lines indicate the outflow axis (P.A. = 3�) and projected opening angle (40�), and the red dashed line indicates a possible jet
(P.A. = 15�). The R.A. and Dec. o↵sets in all the panels are relative to the continuum peak position from the ALMA C9
configuration data, (↵2000, �2000) = (19h14m25s.678, +11�0902500.567).
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Massive Protostellar Cores: ionization�
(feedback & diagnostics; outflow-confined HII regions)
Tan & McKee (2003); Tanaka, Tan & Zhang (2016); Tanaka, Tan, Staff & Zhang (2017); Rosero+ (2019).

luminosity as being emitted isotropically with a single effective
temperature, T ,acc* , i.e., L L L r T4,acc acc

2
,acc

4
* * * *p s= + = . We

will refer to T ,acc* as the stellar effective temperature. ZTH14
also included the effects of the accretion energy released at the
disk surfaces in the dust temperature calculation. However, in
this study, we neglect the ionizing photons from the disk
surface, since its surface temperature is not high enough to emit
significant amounts of ionizing flux. If the protostar rotates at
almost its breakup velocity, it distorts the structure of the star.
This effect leads to nonuniform surface temperatures: the polar
region is hotter than the equatorial region (Meynet et al. 2010).
However, the degree of rotation of massive protostars is quite
uncertain, and thus for simplicity we adopt a spherical model
with a single surface temperature as a first approximation.

Figure 2 shows the evolution of protostellar properties with
protostellar mass: the stellar radius, luminosity, and effective

temperature were calculated by ZTH14, while the evaluation of
ionizing flux will be described in Section 2.2.1. In the fiducial
case with M M60c = : and 1 g cmcl

2S = - , the stellar radius
reaches a maximum at m M5* � : when the Kelvin–Helmholz
time becomes as short as the accretion time, after which the
protostar is able to begin contraction toward the zero-age main
sequence (ZAMS; Hosokawa & Omukai 2009). Due to this
variation in radius, the effective temperature increases strongly
for m M5* 2 :. Comparing to the fiducial case, the mass at
which the stellar radius has a maximum is larger in the higher

clS case and smaller in the lower clS case. This is because a
higher clS causes higher accretion rates (Equation (1)), which
make the accretion timescale shorter and also lead to increased
swelling of the protostar.

2.2. Photoionization

2.2.1. Ionizing Photon Luminosity

The total stellar H-ionizing photon luminosity S ,acc* is
evaluated as

S
L

h
d , 2,acc

, ,acc

0

( )*
*ò n

n=
n

n¥

where ν is the frequency, 0n is the Lyman limit frequency, and
L , ,acc*n is the luminosity per frequency interval (i.e., the stellar
spectrum). The stellar atmosphere model of Castelli & Kurucz
(2004) is adopted to estimate L , ,acc*n , which covers wide
ranges of effective temperature and surface gravity. The
variation of ionizing luminosity is sensitive to the effective
temperature and varies by orders of magnitude (bottom panel of
Figure 2). In the fiducial case of group A, the ionizing
luminosity is as small as 3 10 s32 1´ - at M4.7 :, and quickly
increases to 10 s48 1- or larger in the Kelvin–Helmholz
contraction phase. Even at the same mass of M12 :, the
ionizing luminosity of model Ah12 is five orders of magnitude
smaller than that of model Al12. Therefore, the accretion
history and the detailed stellar evolution calculation are
essential to study the ionization structure. We note that the
obtained ionizing photon luminosities are somewhat lower than
those in Figure 2 of Tan et al. (2014) due to improved
calculation of the effects of line blanketing.

2.2.2. Transfer of Ionizing Photons

We calculate the extent of the ionized regions using our
previously developed radiative transfer code (Tanaka
et al. 2013), which allows a treatment of both direct and
diffuse ionizing radiation fields. We consider only the
ionization of hydrogen, ignoring helium and other elements.
If the stellar effective temperature is high, T 40, 000K,acc* > ,
we would underestimate the electron density by about 10% due
to singly ionized helium, which would then enhance free–free
emission by about 20%.
The gray approximation for the photoionization calculation

is adopted, where the frequency of ionizing photons is
represented by the mean value. The equation of radiative
transfer along a ray is

dI
ds

x n I x n
h

n I n J I
4

, 3

I H H 1 II
2

H
2

H d,a H d,s ( ) ( )
s a

n
p

s s

=- +
á ñ

- + -

Figure 2. Evolutionary sequences of r*, L ,acc* , T ,acc* , and S ,acc* vs. protostellar
mass (top to bottom) for protostars forming from M M60c = : and 0.02cb = .
The black solid line shows the case with 1 g cmcl

2S = - , while blue dashed
and red long-dashed lines show the 0.316clS = and 3.16 g cm 2- cases,
respectively. The ZAMS properties are shown by the dotted lines from Table 1
of Davies et al. (2011), whose original data are from Meynet & Maeder (2000),
Martins & Plez (2006), and Lanz & Hubeny (2007).
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the outflow. However, in some locations, due to the direct
radiation being shielded by the inner disk at 10 AU2� , the
diffuse radiation becomes more important, i.e., near the
ionized-neutral boundary, e.g., as seen in model A24. In this
way, as suggested by Hollenbach et al. (1994), the diffuse
radiation is important to determine the structure of the
H IIregion and rates of photoevaporation from the neutral
components. For these reasons, accurate treatment of the
radiative transfer including the diffuse component is necessary.

To illustrate the structure near the rotation axis, Figure 6
shows the density and ionization fraction of model A16 with a
logarithmic scale. The disk wind inner cavity, with zero density
inside its innermost streamline, is seen as a very collimated
structure with 2 10 4q < ´ - at Z=20,000 AU (the black
region in left panel and the white region in right panel). The
density is high along the inner edge of the outflow. Due to the
shielding by this high density inner wall, the gas in the region
at high latitude with R 10~ –100 AU and Z1000 AU
remains neutral. This shielding is the same mechanism seen
in model A12 in which the neutral region is at 101q n. The

strip of ionized gas entering this neutral region is caused by
high velocity advection near the axis (Equation (4)). These thin
structures near the axis are sensitive to our adoption of an
idealized axisymmetric model. In reality, the outflow winds are
not expected to be perfectly axisymmetric. For example, the jet
in IRAS 16547–4247 appears to undergo precession (Rodrí-
guez et al. 2008). However, the idealized structures in our
model illustrate the wind shielding effect and also demonstrate
the accuracy of our numerical calculation even at such fine
angular scales.
Next we show results with different initial cores with lower

and higher clS . The evolution of density and photoionization

Figure 4. Evolutionary sequences of the photoionized outflows of model group
A. The color scale shows the temperature of the photoionized and neutral
regions. The white regions seen close to the vertical axes in the 100 AU-scale
panels (left column) are disk wind inner cavities, where the gas density is
negligible (formally zero) and the ionizing photon can travel freely. As in
Figure 1, the core scale and the boundaries between disk, core envelope,
outflow, and clump are shown by white lines.

Figure 5. Radiation fields for model group A. The color scale shows the
fraction of diffuse radiation in the ionized region (the white region is neutral).
Black lines indicate the disk/envelope boundaries with the disk wind.

Figure 6. The structures of density nH (left) and ionization degree xII (right) for
model A16 in logarithmic scale. The white region in the right panel is the inner
hole where the ionization degree cannot be defined due to the zero density.
However, the ionizing photons travels this inner hole freely. Note that the
stellar radius is r R6.4 0.03 AU* = =: for this model.
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Figure 1. (left:) The accretion history ṁ∗ and the protostel-
lar evolution, r∗, L∗,acc, T∗,acc, and S∗,acc, as functions of stel-
lar mass. The properties of the zero-age main sequence (ZAMS)
are shown by dashed lines. The vertical dotted lines indicate the
moments at m∗ = 10, 11, and 12M" which models are applied
for post-processing photoionization calculations. The protostellar
evolution is calculated by the method of Tanaka et al. (2017) (see
text). (right:) The outflow density slice at the end of simulation
by Staff et al. (2015). The mirror symmetry is assumed at the
mid-plane which is shown by the white dotted line.

Table 1
Protostellar Input Parameters

model m∗ r∗ logS∗,acc ṁw
a

(M") (R") (s−1) (×10−5M" yr−1)
M10 10 21.4 44.3 2.66
M11 11 16.3 45.5 2.79
M12 12 12.5 46.7 2.91
M11L 11 16.3 45.5 0.88
M11H 11 16.3 45.5 8.82
a The wind rate ṁw is a fraction fw = 0.1 of the mass
accretion rate for the standard models (M10, M11, and
M12), while it is reduced or enhanced by a factor of
3.16 from the standard values for the quiescent model
(M11L) and burst model (M11H) (see text).

2.2. Outflow density profile

The outflow density profile is needed to calculate the
photoionized structure. In the first paper, we adopted
the semi-analytic disk-wind model which is modified from
the centrifugally-driven outflow model of Blandford &
Payne (1982) (Zhang et al. 2013b, 2014). The mass load-
ing rate of the wind is proportional to the mass accretion
rate with a ratio fw = 0.1 assumed as a typical value
(Königl & Pudritz 2000). Even our analytic disk-wind
model have some agreements with observations (Zhang

et al. 2013a; Tanaka et al. 2016), the analytic model is
highly simplified and idealized assuming the axisymmet-
ric smooth structure. In this study, therefore, we apply
the density profile from the three-dimensional MHD sim-
ulation of disk winds by Staff et al. (2015) for postpro-
cessing photoionization calculation.

2.2.1. Models for standard accretion

Staff et al. (2015) studied the disk winds from the Ke-
plerian disk using ZEUSMP code (Norman 2000). Al-
though the original target of Staff et al. (2015) was
the jet from low-mass protostars, this simulation is
also fully scalable for that around massive protostars
based on protostar properties (see Ouyed & Pudritz
1997). The unit length is chosen as the protostel-
lar radius, r∗, the unit time is the inverse of Keplar-
ian angular velocity at the stellar radius, 1/ΩK∗ !
0.18 (m∗/10M")

−1/2 (r∗/10M")
3/2, and the density unit

is set to match the simulated disk-wind rate to the ana-
lytic value of fwṁ∗ (Table 1). While Staff et al. (2015)
have investigated several initial magnetic configurations,
we use the result with “BP” configuration which is con-
sistent to the assumption of Blandford & Payne (1982),
i.e., Bp ∝ !−1.25 where Bp is the initial poloidal mag-
netic field strength at the disk surface and ! is a cylin-
drical radius. The panel f of Figure 1 shows the density
slice in the case of model 12M. The mirror symmetry at
the mid-plane is assumed. The density profile is close
but not completely axisymmetric together with smaller
clumpy structures which could not treated in the previ-
ous semi-analytic model. Please note that the geometric
thickness of the disk is assumed to be zero in this simu-
lation.
We would like to point a caveat on the usage of this

simulated outflow. Because of the high spatial resolu-
tion the simulated time is limited shorter than the accre-
tion time. Therefore, the size of the simulated outflow is
about 100AU (panel f in Fig. 1) while, in reality, the out-
flow expected to be larger than the core scale of 0.1 pc.
Thanks to this high resolution, on the other hand, we are
able to obtain the precise structure down to the vicin-
ity of the protostar where the stellar radiation is mainly
processed. In this paper, we only focus on the earliest
evolution of the photoionized region while it is confined
in the scale of 100 AU or smaller. We have also started
the larger scale MHD simulation for the further study
which is defer to a future paper (Staff et al., in prep.).

2.2.2. Models for the episodic accretion

In this study, we also address the potential short-time
variability induced by accretion bursts. The accretion
rate in our evolutional model changes smoothly in the
time-scale of 104–105 yr (Sec. 2.1). However, the recent
numerical simulations of massive star formation predicts
that the accretion rate would be highly time-variable due
to the disk self-gravity instability (Krumholz et al. 2009;
Kuiper et al. 2011; Meyer et al. 2017). In the episodic ac-
cretion scenario, the protostars spend most of time in low
accretion-rate quiescent phase with short-time accretion
bursts in which the accretion rate rapidly increases one or
two orders of magnitude in the duration of tens of years
(Vorobyov & Basu 2015). We expect that the protostel-
lar properties are not sensitive to the episodic accretion

Radio+IR SEDs

Rosero+ (2019)

Photoionization models:
Shock Ionization Models:

Gardiner, Staff, Ramsey, Tan, in prep.
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(e)

(a)

(d)

(c)(b)

(f)

Figure 1. Multi-scale views of the G28.20-0.05 massive protostar. (a) Top left: Spitzer 8 µm intensity map of the ⇠ 20-pc
scale region. A filamentary IRDC, from which the massive protostar appears to have formed, is visible as a dark shadow. The
Spitzer spatial resolution is 200. (b) Top middle: Herschel 70µm continuum image of the ⇠ 5 pc scale region. The Herschel PACS
spatial resolution is 500. (c) Top right: ALMA 1.3 mm compact (C) configuration only continuum map, with color stretch such
that the lower edge is 0.1� (� = 1.29 mJy bm�1) and upper limit is about 316 mJy bm�1. The dashed circle represents the
ALMA 12m primary beam. The beam size for ALMA C configuration is 0.81300 ⇥ 0.73500. (d) Bottom left: The same field
of view as (c), but now showing the ALMA 1.3 mm compact + intermediate (C+I) configurations continuum map. The solid
circle shows the extent of a 500 radius aperture that encloses the main continuum structures and is one scale used for flux
measurements. The lower edge of the colorbar extends down to 0.1� (� = 0.358 mJy bm�1) intensity level (Section 2). The
beam size for ALMA C+I configurations combined is 0.20100 ⇥ 0.21700. (e) Bottom middle: The same field of view as (c), but
now showing the ALMA 1.3 mm compact + intermediate + extended (C+I+E) configurations continuum map. The lower edge
of the colorbar in extends down to 0.1� (� ⇠ 0.170 mJy bm�1) intensity level. The beam size is 0.06000 ⇥ 0.03600. (f) Bottom
right: A zoom in of panel (e) to the inner region of G28.20-0.05, which shows a ring-like structure. The solid circle shows a 0.500

radius aperture, which is adopted to measure the flux of the ring. The beam size of 0.06000 ⇥ 0.03600 is more clearly visible than
in panel (e).

combined (C+I+E), while Figure 1(f) presents a zoom-
in view of the central source. The range of intensities
shown extends down to 0.1�, with the 1� noise level be-
ing 0.170 mJy bm�1 in the central regions. The image
reveals a ring-like structure with a radius from its cen-
tral minimum to its bright rim of ⇠ 0.01 pc (2,000 au).
Three peaks have been identified within the ring. The
main peak of the continuum emission is on the SW side
at R.A. = 18 : 42 : 58.0997, DEC.= �4 : 13 : 57.636. A
secondary peak is found on the NE side, and a third rel-
atively faint peak toward the northern part of the ring.
Outside of the ring, more extended, fainter structures
are visible, especially on each side that is aligned to the
apparent long axis of the ring, i.e., NW to SE.

3.2. Radio to mm Spectral Index to Probe Ionized and
Dusty Gas

Sewi lo et al. (2008, 2011) carried out high-resolution
VLA observations toward G28.20-0.05 at 1.3 cm
(22.4 GHz, i.e., radio K-band) and detected a ring-like
structure that is similar to the one we see in the 1.3 mm
continuum. Figures 2(a) and (b) present the archival
VLA 1.3 cm continuum image overlaid with the E only
and C+I+E combined 1.3 mm continuum images, re-
spectively. On first inspection the images show very
similar morphology at these two wavelengths. Assum-
ing the 1.3 cm continuum traces free-free emission from
ionized gas, this suggests that a significant portion of the
1.3 mm continuum is also contributed by such emission.

G28.20-0.05, Law et al. 2022

“Isolated” 
Massive Star 
Formation
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Figure 10. (a) Top left: H30↵ moment zero map, only considering pixels with integrated intensity above 5� of the spectral
rms measured over emission free velocity channels in the averaged velocity spectrum (note, 1� ' 0.8 mJy bm�1). The black
contours show the 1.3 mm continuum emission (0.5, 1, 1.5, 2, 2.5, 3, 3.5, 4, 4.5, 5, 5.5, 6 Jy/arcsec2). (b) Top right: As (a),
but now showing the H30↵ moment one map, i.e., averaged line-of-sight velocity. (c) Bottom left: As (a), but now showing the
H30↵ moment two map, i.e., the 1D velocity dispersion along the line-of-sight of the H30↵ emission. (d) Bottom right: As (a),
but now showing the ratio between the integrated intensity of H30↵ and the continuum intensity.

However, emission is clearly seen in the H band, i.e.,
at ⇠ 1.6µm, peaking at a position that is to the NE
of the main mm continuum peak by about 0.500 (i.e.,
⇠ 3000 au). This is the direction of the near-facing,
mainly blueshifted outflow. Thus, one interpretation of
the H band emission is that it is scattered light from
the massive protostar and/or inner accretion disk, which
is able to reach us via a relatively low extinction path
through the near-facing outflow cavity.
We use the HST images to measure/constrain the NIR

fluxes from the source. This was done by performing
circular aperture photometry using the python package
photutils10(Bradley et al. 2020) in both bands with an

10
https://photutils.readthedocs.io/en/stable/

aperture size equivalent to ⇠ 4 times the FWHM, which
is about ⇠ 0.0015, i.e., 6 pixels. We subtract the local
background emission by measuring the median value of
an annulus with inner and outer radii of 10 and 15 pix-
els, respectively. We centered the apertures at the peak
of the emission in the H band and used the same loca-
tion for the J (since no emission was found in this band).
We applied a correction factor for the IR encircled flux11

of 0.893 and 0.863 for the J and H bands, respectively,
needed for the extracted aperture of ⇠ 0.006. We measure
magnitudes in the HST Vega system of 23.48 and 18.98
for the J and H bands, respectively, although in the case

11
https://www.stsci.edu/hst/instrumentation/wfc3/

data-analysis/photometric-calibration/ir-encircled-energy
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Figure 13. (a) Top Left: Integrated intensity maps of CO(2-1) emission tracing outflowing gas as observed in C configuration.
The blue contours show blueshifted emission from +80 to +95km s�1. The contours levels are [1.28, 2.5, 5, 10, 20] Jybm�1km s�1.
The red contours show redshifted emission from +96 to +115km s�1. The contours levels are [1.28, 2.5, 5, 10, 20] Jybm�1km s�1.
Only pixels that are above 1� spectral rms (= 0.31 Jybm�1) are included. The grey scale shading shows the 1.3 mm continuum
image (C+I+E). (b) Top Right: As (a), but for C+I combined configurations of 12CO(2-1) emission. The contours levels for
the blueshifted and the redshifted emissions are [0.16, 0.32, 0.64, 1.28, 2.5, 5] Jy bm�1 km s�1. (c) Bottom Left: As (a), but
now showing integrated intensity maps of SiO(5-4) emission (C configuration). The blue contours show blueshifted emission
from +80 to +95 km s�1. The red contours show redshifted emission from +96 to +115 km s�1. The contours levels are [0.16,
0.32, 0.64, 1.28, 2.56, 5.12] Jy bm�1 km s�1. Only pixels that are above 1� spectral rms (= 0.279 mJy bm�1) are included. (d)
Bottom Right: As (c), but now for C+I combined configurations of SiO(5-4) emission. The contours levels are [0.01, 0.02, 0.04,
0.06, 0.08, 0.1, 0.12] Jy bm�1.

Aperture radius or size Flux (Jy)
⌃ (g cm�2)

(20K,100K,300K)

Mass (M�)

(20K,100K,300K)

0.500 (C+I+E) 0.733 256, 40.4, 13.0 737, 117, 37.4

0.500 (C+I) 0.809 282, 44.6, 14.3 813, 129, 41.3

500 (C+I) 2.10 8.28, 1.31, 0.421 2111, 333, 107

All dendrogram leaves 0.450 46.2, 7.32, 2.35 452, 71.6, 23.0

Table 5. Fluxes, mass surface densities and masses of structures identified in ALMA 1.3 mm continuum images of G28.20-0.05
(see text).
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spirit of Occam, let us consider the latter possibility. If, as
argued elsewhere by Elmegreen (2000a), star formation
essentially happens in a crossing time, then we may indeed
see only one generation of stars being produced at each
scale, rather than the repeated process implied by scaling
with the local dynamical time. The picture thus is one where
a particular MC forms as a consequence of the random
intersection of counterstreaming, supersonic motions (Bal-
lesteros-Paredes, Hartmann, & Vázquez-Semadeni 1999;
Hartmann, Ballesteros-Paredes, & Bergin 2001), internal
turbulence creates the distribution of core masses derived
above, and the cores are then grabbed by gravitation to
form one generation of stars. Energy feedback from stars
subsequently disperses the cloud before the process has time
to repeat.

In the process envisaged above, turbulent fragmentation
is responsible for creating the core mass distribution, while
gravity is only responsible for the collapse of each protostar.
The flattening and the turnaround of the IMF is also easily
accounted for in such a model. While scale-free turbulence
generates a power-law mass distribution down to very small
masses, only cores with a gravitational binding energy in
excess of their magnetic and thermal energy can collapse.
The shape of the stellar IMF is then determined by the PDF
of gas density, that is, by the probability of small cores to be
dense enough to collapse. The mass distribution of collaps-
ing cores derived in the previous section and based on the
lognormal PDF of mass density is indeed consistent with
the observed IMF.

The scaling of the mass where the IMF peaks can be
derived without a knowledge of the PDF of mass density,
using the scaling laws and the definition of the critical mass
for collapse. We first consider the magnetic critical mass,

mB ¼ mB; 0
B

B0

  3 n

n0

  "2

; ð25Þ

wheremB; 0 is the magnetic critical mass at the average num-
ber density n0,

mB; 0 ¼ 8:3 M%
B0

8 lG

  3  
n0

103 cm"3

 "2

; ð26Þ

(McKee et al. 1993). Padoan & Nordlund (1999) have
shown that supersonic and super-Alfvénic turbulence gener-
ates a correlation between gas density and magnetic field
strength, consistent with the observational data. The two
most important properties of such a B-n relation are the
very large scatter and the power-law upper envelope
(B / n0:4). More recently, Padoan et al. (2001b) have com-
puted the magnetic field strength in dense cores produced in
numerical simulations of self-gravitating, supersonic, and
super-Alfvénic turbulence. They found typical field strength
as a function of column density in agreement with new com-
pilations of observational samples by Crutcher (1999) and
Bourke et al. (2001). Here we adopt the following empirical
B-n relation consistent with our previous works:

B ¼ B0
!

!0

  0:5

; ð27Þ

where the exponent is 0.5, and not 0.4 as reported above,
because we now refer to the average values of B inside bins
of n, and not to the upper envelope of the B-n relation,
as above. The slight steepening is due to the fact that the

Fig. 1.—Mass distributions of gravitationally unstable cores from eq.
(24). Top: Mass distribution for different values of the largest turbulent
scale L0, assuming Larson-type relations (for rescaling n0 and MA; 0 with
L0), T0 ¼ 10 K, and " ¼ 1:8.Middle:Mass distribution for different values
of MA; 0, assuming n0 ¼ 500 cm"3, T0 ¼ 10 K, and " ¼ 1:8. Bottom: Mass
distribution for different values of n0, assumingMA; 0 ¼ 10, T0 ¼ 10 K, and
" ¼ 1:8. The mass distribution peaks at approximately 0.4M%, for the val-
ues MA; 0 ¼ 10, n0 ¼ 500 cm"3, T0 ¼ 10 K, and " ¼ 1:8, typical of nearby
molecular clouds.
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What sets the rate and timescale of star formation? 

What sets fragmentation and the stellar initial mass function?

Competitive Accretion 
with feedback sets the 
IMF: 
e.g., Bate (2012)

L4 M. W. Kunz and T. Ch. Mouschovias

The dependence of the core mass mc (normalized to the initial
thermal critical mass mT,0) on µ0 is shown in Fig. 2 for P̃ext =
0.1 and τ̃ni,0 = 0.162 (dashed line), 0.230 (solid line) and 0.325
(dotted line). For µ0 ! 0.5, mc ! µ0mT,0, whereas for µ0 " 1,
mc ! mT,0. In between these two extremes, the core mass increases
significantly due to the action of gravitationally driven ambipolar
diffusion.

3.3 The initial core mass function

In the absence of magnetic fields, the core mass is equal to the
thermal critical mass given by equation (7a), i.e. mc,B=0 = mT,0 ∝
n

−1/2
n,0 T

3/2
0 . Given that the deep interiors of molecular clouds (where

stars form) are observed to be approximately isothermal, the width
of the CMF is then determined by the width of the initial probabil-
ity density function (PDF) of number densities. In order to generate
cores spanning almost two decades in mass, one therefore requires
an initial density PDF spanning almost four decades. By contrast,
in the presence of magnetic fields, mc = f (µ0, τ̃ni,0) mc,B=0. There-
fore, one may obtain a spectrum of masses due to changes in the
local mass-to-flux ratio. In fact, one only requires a one-decade
spread in initial mass-to-flux ratios (0.1 ! µ0 ! 1) to generate a
two-decade spread in core masses (see Fig. 2).

To derive the CMF predicted by the theory of ambipolar-
diffusion–initiated star formation, we make the following assump-
tions. (i) All protostellar fragments form by ambipolar diffusion
with initially subcritical or critical mass-to-flux ratios (i.e. µ0 !
1). (ii) The PDF of initial mass-to-flux ratios is broad, in the sense
that µ0 ! 1 is almost as likely as µ0 ! 0.6 (we explain below the
significance of the value µ0 ! 0.6). (iii) The linear analysis we
use to calculate core sizes and masses is adequate to predict the
fragmentation properties of clouds even in a fully nonlinear stage
of evolution. This is supported by comparisons of numerical simu-
lations and predictions from the linear theory (Ciolek & Basu 2006;
Basu et al. 2009).

We then calculate the PDF of core masses P(m̃c) generated from
an assumed PDF of initial mass-to-flux ratios P(µ0) (for a fixed
τ̃ni,0):

P(m̃c) d ln m̃c = µ0P(µ0)
(

∂ ln m̃c

∂ ln µ0

)−1

d ln m̃c, (14)

where m̃c ≡ mc/mT,0. Making the reasonable assumption that
P(µ0) is a uniform distribution of initial mass-to-flux ratios µ0 !
0.1–1.0,P(m̃c) is calculated numerically. (The lower limit on µ0

may be as large as ! 0.6 without changing the high-mass end of the
predicted CMF, see below. Also, other µ0 PDFs, e.g. a Gaussian or
even an inverted Gaussian, give essentially the same CMF, provided
that they are broad enough to include the range 0.5–1.0.)

In Fig. 3, we plot the number of cores N ∝ P(m̃c) (normalized
to unity) versus mc (normalized to the initial thermal critical mass
mT,0) for P̃ext = 0.1 and τ̃ni,0 = 0.162 (dashed line), 0.230 (solid
line) and 0.325 (dotted line). We also give the corresponding α ≡ 1 −
d ln N/d ln mc obtained from a least-square fit to the high-mass end
of each curve. For comparison with observations, we superimpose
data points from SCUBA observations of starless cores in Orion at
450 µm and 850 µm (Nutter & Ward-Thompson 2007). The width
of the mass bins is as in Nutter & Ward-Thompson and is shown as
a horizontal bar for each data point. The vertical error bars denote
the

√
N counting uncertainty due to the number of cores in each

mass bin. In order to match the maximum of the predicted CMF
and that of the observed CMF, we have taken mT,0 ! 2 M'.

Figure 3. Predicted CMF (normalized to the initial thermal critical mass
mT,0) for P̃ext = 0.1 and τ̃ni,0 = 0.162 (dashed line), 0.230 (solid line)
and 0.325 (dotted line). The corresponding power-law exponents α are also
shown. The data are from Nutter & Ward-Thompson (2007) and refer to
starless cores in Orion; see text.

The excellent agreement between theory and observations is ev-
ident. A striking feature of the predicted CMF is its lognormal-like
shape, despite the input uniform distribution of mass-to-flux ratios;
i.e. one does not need a lognormal density distribution in order
to generate a lognormal-like CMF. This is an important distinc-
tion from past work (e.g. by Padoan & Nordlund 2002). Another
important difference is that in our predicted CMF, gravity plays a
central role; in the Padoan & Nordlund CMF, gravity is irrelevant
by assumption.

The predicted CMF has several noteworthy features.

(i) There is a definite mass turnover. The peak dimensionless
mass corresponds to cores that had initial mass-to-flux ratios µ0 !
0.6. This result is insensitive to the free parameters P̃ext and τ̃ni,0.

(ii) The functional form of the predicted CMF is independent of
the minimum initial mass-to-flux ratio µ0,min, provided that µ0,min !
0.6. The low-mass end of the predicted CMF has a slope exactly
equal to unity (i.e. α = 0 for mc ! 0.3 mT,0). The predicted slope
of the high-mass end requires only a near-uniform PDF of initial
mass-to-flux ratios within a factor of ! 2 smaller than critical, a re-
quirement entirely within observational constraints (e.g. see Heiles
& Crutcher 2005).

(iii) There is a correlation between the high-mass slope α and
the maximum core mass mc,max/mT,0, which is shown in Fig. 4.
This relation, however, is only indirect: a smaller (greater) τ̃ni,0

goes hand-in-hand with both a steeper (shallower) high-mass slope
α (Fig. 3) and a greater maximum core mass mc,max/mT,0 (Fig. 2). In
other words, molecular cloud cores that form in regions with rela-
tively large (small) ionization-equilibrium parameter K (∝ ni/n

1/2
n )

should have relatively steeper (shallower) CMFs and relatively
greater (smaller) maximum dimensionless masses.

4 SUMMARY AND DISCUSSION

We have formulated a novel way of predicting the initial mass func-
tion of molecular cloud cores (CMF), in which magnetic fields and
ambipolar diffusion play a central role. The results are in excel-
lent agreement with observations, provided that the values of the
two important free parameters remain within their observationally

C© 2009 The Authors. Journal compilation C© 2009 RAS, MNRAS

Magnetically-Regulated 
Fragmentation:  
(Kunz & Mouschovias 2009)

SOFIA observations of 
Clump Infall vinfall ~ 0.1 vf 
(Wyrowski et al. 2016)

ALMA observations of 
Limited Fragmentation 
(Csengeri et al. 2017)

Spectral Energy Distribution Fitting Results

● SOMA data is inconsistent with the 
Krumholz & McKee (2008) 
prediction that 10 M☉ stars require 
Σcl ≳ 0.3 g cm-2  to form

● The most massive ≳25 M☉ stars 
are predicted to form more 
efficiently in Σcl ≳ 1 g cm-2 

protostellar clump environments
● This is indicative of special 

conditions needed to form massive 
stars, consistent with the Turbulent 
Core Accretion model

Zoie Telkamp (zrt7qc@virginia.edu)

SOMA: massive protostars in 
low-Σ environs (Liu et al. 
2020; Fedriani+; Telkamp+).



O
rio

n 
K

L,
 A

LM
A 

(E
SO

/N
AO

J/
N

R
AO

), 
J.

 B
al

ly
/H

. D
ra

ss
 e

t a
l.

“Disordered” 
Massive Star 
Formation!

Luhman et al. (2017)



Open Questions in Massive Star Formation

Some Quantitative Tests of Core Accretion Theory

Theory: “Turbulent Core Model”: 

- trans-Alfvénic turbulence in global clump

- core surface set by clump pressure, which 
then controls accretion rate

- core supported by B-fields & turbulence 

- core interacts with a comparable mass 
from clump during collapse

- accretion streamers

- atomic & ionized outflows in later stages

The Astrophysical Journal, 788:166 (35pp), 2014 June 20 Zhang, Tan, & Hosokawa

Figure 5. Input density and converged temperature profiles for the fiducial model (Mc = 60 M!, Σcl = 1 g cm−2, βc = 0.02) at selected stages with m∗ = 1, 2, 4, 8,
12, 16, and 24 M!. At each stage (each row), these profiles are shown on three different scales (from left to right, 100 AU, 1000 AU, and 20,000 AU). In each panel,
the protostar is at the (0,0) point, the x-axis lies on the disk midplane, and the y-axis along the outflow axis. The velocity fields are shown by the arrows. Note that the
black arrows for the outflow have a much larger scale than the blue arrows for the infalling envelope.
(A color version of this figure is available in the online journal.)
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Massive prestellar clumps & cores 

Near virial equil. (strong B-fields?)

Chemodynamical history of PSCs?

PSCMF can be measured across the Galaxy

28.3212±28.3216±28.3220±28.3224±

Galactic Longitude

+00.0666±

+00.0668±

+00.0670±

+00.0672±

+00.0674±

+00.0676±

+00.0678±

+00.0680±

+00.0682±

G
al

ac
tic

La
tit

ud
e

(a) N2D+(3 ° 2)

0.1 pc (4”)

0.000

0.002

0.004

0.006

0.008

0.010

0.012

0.014

0.016

0.018

I N
2
D

+
(3

°
2)

(K
km

/s
)

28.3200±28.3210±28.3220±28.3230±28.3240±

Galactic Longitude

+00.0650±

+00.0660±

+00.0670±

+00.0680±

+00.0690±

+00.0700±

(b) N2D+(3 ° 2) + CO(2 ° 1)

0.1 pc (4”)

0.000

0.002

0.004

0.006

0.008

0.010

0.012

0.014

0.016

0.018

I N
2
D

+
(3

°
2)

(K
km

/s
) Need for


- Magneto-Kinematic 
Mapping of IRDCs


- Dfrac via N2H+, N2D+

?

?

?

N2D+

Massive Protostars: IR & Radio SEDs

➞ physical model ➞ chemical model

SOMA Survey (SOFIA; +ALMA; +HST; +VLA)

Massive protostar morphology;

Tests of core accretion: infall, disks, protostar, 
outflow, multiplicity, B-fields…

Peering to the Heart of Massive Star Birth
8 microns 19 microns 37 microns
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SOFIA: 

- MIR to FIR SEDs + Images

- Atomic Outflows

- Multiwavelength 

Polarization for B-field


